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Introduction
�  Molecular clouds: highly turbulent, magnetized, filamentary 

structures 

Fig. 1.— (left) CO J=1-0 image of M51 from Koda et al. (2009) showing the largest cloud complexes are distributed in spiral arms,
while smaller GMCs lie both in and between spiral features. (right) 3 color image of CO J=1-0 emission from the Taurus molecular
cloud from Narayanan et al. (2008c) illustrating complex gas motions within clouds. Colors represents the CO integrated intensities
over VLSR intervals 0-5 (blue), 5-7.5 (green) and 7.5-12 (red) km s−1.

regions (ΣGMC ∼ 140 M⊙pc−2). Fukui et al. (2008),
Bolatto et al. (2008), and Hughes et al. (2010) find that
GMCs in the Magellanic Clouds have lower surface den-
sities than those in the inner Milky Way (ΣGMC ∼
50 M⊙pc−2). Because of the presence of extended H2

envelopes at low metallicities (§2.6), however, this may
underestimate their true molecular surface density (e.g.,
Leroy et al. 2009). Even more extreme variations in ΣGMC

are observed near the Galactic Center and in more extreme
starburst environments (see § 2.7).
In addition to studying the mean surface density of

GMCs, observations within the Galaxy can also probe
the distribution of surface densities within GMCs. For a
sample of Solar neighborhood clouds, Kainulainen et al.
(2009a) use infrared extinction measurements to deter-
mine that PDFs of column densities are lognormal from
0.5 < AV < 5 (roughly 10–100M⊙ pc−2), with a power-
law tail at high column densities in actively star-forming
clouds. Column density images derived from dust emis-
sion also find such excursions (Schneider et al. 2012, 2013).
Lombardi et al. (2010), also using infrared extinction tech-
niques, find that, although GMCs contain a wide range
of column densities, the mass M and area A contained
within a specified extinction threshold nevertheless obey
the Larson (1981)M ∝ A relation, which implies constant
column density.
Finally, we warn that all column density measurements

are subject to a potential bias. GMCs are identified as con-
tiguous areas with surface brightness values or extinctions
above a threshold typically set by the sensitivity of the data.
Therefore, pixels at or just above this threshold comprise
most of the area of the defined cloud and the measured
cloud surface density is likely biased towards the column
density associated with this threshold limit. Note that there
is also a statistical difference between “mass-weighed” and
“area-weighed” ΣGMC. The former is the average surface
density that contributes most of the mass, while the latter
represents a typical surface density over most of the cloud
extent. Area-weighedΣGMC tend to be lower, and although
perhaps less interesting from the viewpoint of star forma-
tion, they are also easier to obtain from observations.
In addition to mass and area, velocity dispersion is the

third quantity that we can measure for a large sample of
clouds. It provides a coarse assessment of the complex mo-
tions in GMCs as illustrated in Figure 1. Larson (1981)
identified scaling relationships between velocity dispersion
and cloud size suggestive of a turbulent velocity spectrum,
and a constant surface density for clouds. Using more
sensitive surveys of GMCs, Heyer et al. (2009) found a
scaling relation that extends the Larson relationships such
that the one-dimensional velocity dispersion σv depends on
the physical radius, R, and the column density ΣGMC, as
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�  Virial theorem 
 
 
 
 
 
 
�  W: negative, gravitational collapse 
�  T & M: positive, support cloud against gravitational 

collapse 
�  I: proportional to the inertia of  the cloud 

�                  expansion 
 

�                    collapse 
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mass-to-flux ratio of 3.4 is consistent with the range of 2.8–10 estimated from independent

methods (Crutcher et al. 1999a; Hezareh et al. 2010).

The virial theorem is a useful tool for analyzing the e↵ects of turbulence, magnetic

fields, and self-gravity in molecular clouds (Chandrasekhar & Fermi 1953; Mestel & Spitzer

1956; Spitzer 1978, Shu 1991; Mckee & Ostriker 2007), which can be written as

1

2
Ï = 2 (T � Ts) +M+W . (15)

The I is a quantity proportional to the inertia of the cloud, and the sign of Ï determines

whether the cloud is expanding (Ï > 0) or contracting (Ï < 0). For a cloud with fixed mass

M , the term

T =
3

2
M�2

v (16)

is the total kinetic energy in the cloud including both thermal and turbulent components.

The term Ts is the surface kinetic term. The term

M =
1

2
MV 2

A (17)

is the magnetic energy for a cloud with no force from ambient magnetic field. The

gravitational term W of a spherical cloud with uniform density and radius R is

W = �3

5

GM2

R
. (18)

The kinetic and gravitational terms of a filamentary cloud with length L are quite di↵erent

to those of a spherical cloud (Fiege & Pudritz 2000) that

Tf = M�2
v , (19)

Wf = �GM2

L
. (20)

The ratios of |T /W|, |M/W|, and |(2T +M)/W| are listed in Table 5 where we

adopt a mass of 15210 M� and a length of 4.1 pc for the DR21 filament form Hennemann

– 21 –

mass-to-flux ratio of 3.4 is consistent with the range of 2.8–10 estimated from independent

methods (Crutcher et al. 1999a; Hezareh et al. 2010).

The virial theorem is a useful tool for analyzing the e↵ects of turbulence, magnetic

fields, and self-gravity in molecular clouds (Chandrasekhar & Fermi 1953; Mestel & Spitzer

1956; Spitzer 1978, Shu 1991; Mckee & Ostriker 2007), which can be written as

1

2
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of density encodes important information about how star
formation behaves.
Within individual clouds, the best available data on ϵ∗

and ϵff come from campaigns that use the Spitzer Space
Telescope to obtain a census of young stellar objects with
excess infrared emission, a feature that persists for 2–3 Myr
of pre-main sequence evolution. These are combined with
cloud masses and surface densities measured by millime-
ter dust emission or infrared extinction of background stars.
For a set of five star forming regions investigated in the
Cores to Disks Spitzer Legacy program, Evans et al. (2009)
found ϵ∗ =0.03–0.06 over entire GMCs, and ϵ∗ ∼ 0.5
considering only dense gas with n ∼ 105 cm−3. On the
other hand, ϵff ≈ 0.03 − 0.06 regardless of whether one
considers the dense gas or the diffuse gas, due to a rough
cancellation between the density dependence of Mgas and
τff . Heiderman et al. (2010) obtain comparable values in
15 additional clouds from the Gould’s Belt Survey. Murray
(2011) find significantly higher values of ϵff = 0.14− 0.24
for the star clusters in the Galaxy that are brightest in
WMAP free-free emission, but this value may be biased
high because it is based on the assumption that the molec-
ular clouds from which those clusters formed have under-
gone negligible mass loss despite the clusters’ extreme lu-
minosities (Feldmann and Gnedin 2011).
At the scale of the Milky Way as a whole, recent esti-

mates based on a variety of indicators put the galactic star
formation rate at ≈ 2 M⊙ yr−1 (Robitaille and Whitney
2010; Murray and Rahman 2010; Chomiuk and Povich
2011), within a factor of ∼ 2 of earlier estimates based
on ground-based radio catalogs (e.g., McKee and Williams
1997). In comparison, the total molecular mass of theMilky
Way is roughly 109 M⊙ (Solomon et al. 1987), and this,
combined with the typical free-fall time estimated in the
previous section, gives a galaxy-average ϵff ∼ 0.01 (see
also Krumholz and Tan 2007; Murray and Rahman 2010).
For extragalactic sources one can measure ϵff by com-

bining SFR indicators such as Hα, ultraviolet, and in-
frared emission with tracers of gas at a variety of densi-
ties. As discussed above, observed H2 depletion times are
τdep(H2) ≈ 2 Gyr, whereas GMC densities of nH ∼30–
1000 cm−3 correspond to free-fall times of ∼ 1–8 Myr,
with most of the mass probably closer to the smaller value,
since the mass spectrum of GMCs ensures that most mass
is in large clouds, which tend to have lower densities.
Thus ϵff ∼0.001–0.003. Observations using tracers of
dense gas (n ∼ 105 cm−3) such as HCN yield ϵff ∼
0.01 (Krumholz and Tan 2007; Garcı́a-Burillo et al. 2012);
given the errors, the difference between the HCN and CO
values is not significant. As with the Evans et al. (2009)
clouds, higher density regions subtend smaller volumes and
comprise smaller masses. ϵff is nearly constant because
Mgas and 1/τff both fall with density at about the same rate.
Figure 3 shows a large sample of observations com-

piled by Krumholz et al. (2012), which includes individual
Galactic clouds, nearby galaxies, and high-redshift galax-
ies, covering a very large range of mean densities. They

Fig. 3.— SFR per unit area versus gas column density over free-
fall time Krumholz et al. (2012). Different shapes indicate differ-
ent data sources, and colors represent different types of objects:
red circles and squares are Milky Way clouds, black filled trian-
gles and unresolved z = 0 galaxies, black open triangles are unre-
solved z = 0 starbursts, blue filled symbols are unresolved z > 1

disk galaxies, and blue open symbols are unresolved z > 1 star-
burst galaxies. Contours show the distribution of kpc-sized regions
within nearby galaxies. The black line is ϵff = 0.01, and the gray
band is a factor of 3 range around it.

find that all of the data are consistent with ϵff ∼ 0.01, albeit
with considerable scatter and systematic uncertainty. Even
with the uncertainties, however, it is clear that ϵff ∼ 1 is
strongly ruled out.

2.7. GMCs in Varying Galactic Environments

One gains useful insight into GMC physics by studying
their properties as a function of environment. Some of the
most extreme environments, such as those in starbursts or
metal-poor galaxies, also offer unique insights into astro-
physics in the primitive universe, and aid in the interpreta-
tion of observations of distant sources.
Galactic centers, which feature high metallicity and stel-

lar density, and often high surface densities of gas and star
formation, are one unusual environment to which we have
observational access. The properties of the bulge, and pres-
ence of a bar appear to influence the amount of H2 in the
center (Fisher et al. 2013). Central regions with high ΣH2

preferentially show reduced τdep(H2) compared to galaxy
averages (Leroy et al. 2013), suggesting that central GMCs
convert their gas into stars more rapidly. Reduced τdep(H2)
is correlated with an increase in CO (2-1)/(1-0) ratios, indi-
cating enhanced excitation (or lower optical depth). Many
galaxy centers also exhibit a super-exponential increase in
CO brightness, and a drop in CO-to-H2 conversion factor
(Sandstrom et al. 2012, which reinforces the short τdep(H2)
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to be as = 0.32 km s-1, as appropriate for molecular gas at a temperature of 10 K. In deriving 
three-dimensional velocity dispersions from the observed radial velocities and linewidths it 
has always been assumed that the velocity distribution is isotropic. In most regions the 
dominant contribution to o comes from the linewidth and thus from relatively small-scale 
motions, so that the assumption of an isotropic velocity distribution may be reasonable; 
however, for some of the largest clouds the dominant contribution to o comes from 
systematic velocity variations across the cloud, and the assumption of an isotropic velocity 
distribution can be valid only as an average over many clouds. The uncertainty in o is 
estimated to be of the order of 20 per cent for most clouds, but the error could be as large as 
50 per cent or more for some of the largest clouds, for the reason just mentioned. 

3 Turbulence in molecular clouds 

The velocity dispersion o is plotted logarithmically versus region size L in Fig. 1, which 
includes all of the objects for which a mass estimate is given in Table 1. A well-defined 
correlation between log o and log L is seen, and within the scatter it is well represented by 
the eye-fitted dashed straight line, whose equation is 

aíkms"1) = 1.10Z, (pc)0,38. (1) 

The rms deviation of loga from this relation is 0.14, corresponding to a factor of 1.38 in a. 
Equation (1) holds for 0.1 ^L -5100 pc, and is almost identical to the relation a = 1.1 Z0*37 

found by Larson (1979) for interstellar motions on somewhat larger length scales, 1< Z 5 
1000pc; this earlier study included fewer data on molecular clouds, but some data on Hi 
cloud velocities and larger-scale streaming motions. The present result strengthens the 
conclusion that the velocity dispersion of interstellar motions shows a general power-law 
correlation with region size, and extends it to smaller length scales. 

The data in Table 1 show, moreover, that a similar relation between a and Z often holds 
even within individual clouds. Fig. 2 shows the variation of a with Z in all of the clouds or 
complexes for which at least one subregion is listed in Table 1; in this diagram straight lines 
connect the symbols for each subregion and the larger cloud of which it is a part. The 
velocity dispersions of groups of TTauri stars in the Taurus clouds (Table 1 and Jones & 
Herbig 1979) are also plotted as asterisks in Fig. 2(a). The left part of Fig. 2(b) shows 
additional data for several dark clouds as reproduced from Fig. 89 of Snell (1979); in this 

Figure 1. The three-dimenáonal internal velocity dispersion o plotted versus the maximum linear 
dimension L of molecular clouds and condensations, based on data from Table 1; the symbols are 
identified in Table 1. The dashed line represents equation (1), and crs is the thermal velocity dispersion. 
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characteristics are similar to those of subsonic turbulent flows, which consist of a hierarchy 
of small eddies superimposed on larger ones, with a characteristic power-law dependence 
of eddy velocity on length scale that is the well-known Kolmogoroff law, o <*Lm. Although 
the motions in molecular clouds are supersonic and very little is known about supersonic 
turbulence, some similarities with subsonic turbulence should exist; for example, hydro- 
dynamical instabilities may occur as in the subsonic case and generate small-scale 
irregularities and hence turbulence in large-scale flows (Larson 1979; Woodward 1979). 
There is in fact some experimental evidence that the structure of moderately supersonic 
turbulent shear flows is very similar to that of subsonic flows (Bradshaw 1977). The fact 
that the o(L) relation in molecular clouds is somewhat steeper than the Kolmogoroff law 
seems consistent with an interpretation of the observed motions as supersonic turbulence, 
since in the supersonic case some of the kinetic energy of large-scale motions can be 
dissipated directly by shocks before being degraded into smaller-scale motions; thus there 
should be less energy in small-scale motions, and a steeper a(L) relation than in the subsonic 
case. 

In view of the likely importance of shock dissipation, it is perhaps remarkable that the 
observed relation a^L0,38 is so close to the Kolmogoroff law o ^L0'33. This might be 
explained if the observed motions in molecular clouds are actually due to subsonic or mildly 
supersonic turbulence in a warmer atomic medium in which the molecular gas is embedded 
as cool condensations. Such a situation could arise, for example, from collisions between 
atomic clouds, which produce thick layers of shock-heated atomic gas in which thin sheets 
of cold molecular gas form by thermal instabilities (Smith 1980). The molecular gas would 
then follow the subsonic turbulent motions that would almost certainly be present in the 
warmer atomic gas. A number of molecular cloud complexes are observed to be embedded 
in comparable amounts of atomic gas (Blitz & Shu 1980; Israel 1980; Burton, Liszt & Baker 
1978), so it is plausible that the observed molecular motions could reflect motions in the 
atomic gas. 

In addition to the processes of turbulent hydrodynamics discussed above, it is possible 
that some of the small-scale motions in molecular clouds are produced by stars through 
the effects of stellar winds, supernova explosions, or the expansion of Hu regions. 
However, it seems unlikely that such effects could be dominant, since the resulting velocities 
would be largest on the smallest scales, contrary to the observed trend. Also, some of the 
small dark clouds included in this study contain no known young stars, and there is no 
evidence that they have smaller velocity dispersions than similar clouds that do contain 
young stars. The best evidence for a stellar energy source is provided by the broad wings of 
the molecular Unes of the unresolved KL source in Orion, whose width of ~50kms-1 (e.g. 
Wilson, Downes & Bieging 1979) is generally attributed to mass outflow from a massive 
newly formed star. Most of the regions in Table 1 are not so intimately associated with 
massive newly formed stars, so the effects of stellar winds, etc., should be much smaller. 

4 Gravity in molecular clouds 

As a first step in examining the possible influence of the masses of molecular clouds on their 
dynamics, Fig. 3 gives a plot of o versus,/!/ for the same objects as shown in Fig. 1. There is a 
close correlation between log o and logM, and it is well represented by the eye-fitted dashed 
line, whose equation is 

o (km s"1) = 0.42 Af(M@)0,20; (2) 

the rms deviation of loga from this relation is 0.12. The scatter in Fig. 3 appears smaller 
than that in Fig. 1, and inspection of the plots shows that this is because some of the objects 
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Figure 3. The velocity dispersion o plotted versus total mass Af for the same regions shown in Fig. 1. The 
dashed line represents equation (2). 

that appear most discrepant in Fig. 1 lie closer to the mean relation in Fig. 3. For example, 
0MC1 lies 0.33 dex above the dashed line in Fig. 1 but only 0.17 dex above the line in Fig. 
3; this is because it has not only a large velocity dispersion but also an unusually large mass 
for its size. A positive correlation between velocity dispersion and mass for a given size is just 
what would be expected if all of the objects studied were in approximate virial equilibrium. 

For a spherical cloud of mass M, diameter L and velocity dispersion a, the kinetic energy 
and gravitational potential energy are respectively ViMo2 and 2GAf2/Z,5 so that the virial 
theorem implies 

. 2GM 
a2-  

L 
(3) 

This equation would be exact for a polytrope of index « = 2, and should be valid within a 
factor of 2 for most clouds of different shapes and degrees of central concentration. The 
ratio 2GM/o2L has been calculated for all of the objects in Figs 1 and 3, and is given in Table 
1 and plotted logarithmically versus// in Fig. 4. The dashed line in this figure is not fitted to 
the points, but represents the relation 

2GM 
— = 0.92//(pc)0*14 (4) 
o L 

nguie 4. The virial ratio 2GM/o2L plotted versus region size L for the same regions shown in Figs 1 and 
>. The dashed line represents equation (4), and is derived from equations (1) and (2). 
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Wilson, Downes & Bieging 1979) is generally attributed to mass outflow from a massive 
newly formed star. Most of the regions in Table 1 are not so intimately associated with 
massive newly formed stars, so the effects of stellar winds, etc., should be much smaller. 

4 Gravity in molecular clouds 

As a first step in examining the possible influence of the masses of molecular clouds on their 
dynamics, Fig. 3 gives a plot of o versus,/!/ for the same objects as shown in Fig. 1. There is a 
close correlation between log o and logM, and it is well represented by the eye-fitted dashed 
line, whose equation is 

o (km s"1) = 0.42 Af(M@)0,20; (2) 

the rms deviation of loga from this relation is 0.12. The scatter in Fig. 3 appears smaller 
than that in Fig. 1, and inspection of the plots shows that this is because some of the objects 
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The Herschel observations of Aquila therefore strongly sup-
port the existence of a column density or visual extinction 
threshold for the formation of prestellar cores at AV

back ~ 
5–10, which had been suggested earlier based on ground-
based studies of, e.g., the Taurus and Ophiuchus clouds (cf. 
Onishi et al., 1998; Johnstone et al., 2004). Interestingly, 
a very similar extinction threshold at AV

back ~ 8 is indepen-
dently observed in the spatial distribution of YSOs with 
Spitzer (Heiderman et al., 2010; Lada et al., 2010). In the 
Polaris fl are cirrus, the Herschel observations are also con-
sistent with such an extinction threshold since the observed 
background column densities are all below AV

back ~ 8 and 
there are no or at most a handful of examples of bound 
prestellar cores in this cloud (e.g., Ward-Thompson et al., 
2010). More generally, the results obtained with Herschel 
in nearby clouds suggest that a fraction fpre ~15% of the 
total gas mass above the column density threshold is in the 
form of prestellar cores.

6.2.  Theoretical Interpretation of the Threshold 

These Herschel fi ndings connect very well with theo-
retical expectations for the gravitational instability of fi la-
ments (cf. section 5.1) and point to an explanation of the 
star-formation threshold in terms of the fi lamentary struc-
ture of molecular clouds. Given the typical width Wfi l ~ 
0.1 pc measured for fi laments (Arzoumanian et al., 2011) 
(see Fig. 5) and the relation Mline ≈ Σ0 × Wfi l between the 
central gas surface density Σ0 and the mass per unit length 
Mline of a fi lament (cf. Appendix A of André et al., 2010), 
the threshold at AV

back ~ 8 or Σgas
back ~ 150 Mʘ pc–2 corre-

sponds to within a factor of �2 to the critical mass per unit 
length Mline,crit = 2c2

s/G ~ 16 Mʘ pc–1 of nearly isothermal, 
long cylinders [see section 5.1 and Inutsuka and Miyama 

(1997)] for a typical gas temperature T ~ 10 K. Thus, the 
core-formation threshold approximately corresponds to the 
threshold above which interstellar fi laments are gravitation-
ally unstable (André et al., 2010). Prestellar cores tend to be 
observed only above this threshold (cf. Fig. 6a and Fig. 13a) 
because they form out of a fi lamentary background and 
only fi laments with Mline > Mline,crit are able to fragment 
into self-gravitating cores.

The column-density threshold for core and star formation 
within fi laments is not a sharp boundary but a smooth tran-
sition for several reasons. First, observations only provide 
information on the projected column density Σobs = 1

cosi  Σint 
of any given fi lament, where i is the inclination angle to 
the plane of sky and Σint is the intrinsic column density of 
the fi lament (measured perpendicular to the long axis). For 
a population of randomly oriented fi laments with respect 
to the plane of sky, the net effect is that Σobs overestimates 
Σint by a factor 〈 1

cosi〉 = π
2 ~ 1.57 on average. Although sys-

tematic, this projection effect remains small and has little 
impact on the global classifi cation of observed fi lamentary 
structures as supercritical or subcritical.

Second, there is a (small) spread in the distribution of 
fi lament inner widths of about a factor of 2 on either side 
of 0.1 pc (Arzoumanian et al., 2011) (cf. Fig. 5), implying a 
similar spread in the intrinsic column densities corresponding 
to the critical fi lament mass per unit length Mline,crit. 

Third, interstellar fi laments are not all exactly at T = 
10 K and their internal velocity dispersion sometimes in-
cludes a small nonthermal component, σNT, which must be 
accounted for in the evaluation of the critical or virial mass 
per unit length Mline,vir = 2σ2

tot/G (see section 5.1) (Fiege 
and Pudritz, 2000). The velocity dispersion measurements 
of Arzoumanian et al. (2013) (Fig. 9b) confi rm that there 
is a critical threshold in mass per unit length above which 
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up, the global gravitational self-energy of the system |Eg| 
grows to the point where gravitational collapse begins. The 
kinetic energy resulting from the collapse motions Ek tracks 
this gravitational term in such a way that |Eg| = 2Ek (e.g., 
Vázquez-Semadeni et al., 2007; Ballesteros-Paredes et al., 
2011), mimicking virial equilibrium. Thus, gravitational 
collapse in media that have a number of Jeans masses will 
have multiple centers of collapse, and the velocity fi elds 
that are set up could be interpreted as turbulence [see Tilley 
and Pudritz (2007) for magnetic analog]. Such systems are 
never near equilibrium, however.

As noted, simulations of colliding streams produce 
clouds that are confi ned to a fl attened layer. We therefore 
consider the fragmentation of a dense shell created by one-
dimensional compression (e.g., by an expanding Hii region, 
an old supernova remnant, or collision of two clouds) in 
more detail — specifi cally the formation of fi laments by 
self-gravitational fragmentation of sheet-like clouds. As 
discussed in section 5.1, since the critical ratio of specifi c 
heats γcrit,sheet = 0, sheet-like confi gurations are stable against 
compression. Here, the compressing motions are in the 
direction of the thickness and these can always be halted 
by the resulting increase in (central) pressure of the sheet, 
justifying the analysis of quasi-equilibrium sheet-like clouds.

Self-gravitational instability of a sheet-like equilibrium is 
well known. The critical wavelength for linear perturbations 
on the sheet is a few times its thickness. Sheet-like clouds 
are unstable to perturbations whose wavelengths are larger 
than the critical wavelength, and the most unstable wave-
length is about twice the critical wavelength. The growth 
timescale is on the order of the free-fall timescale. The 

detailed analysis by Miyama et al. (1987) on the nonlinear 
growth of unstable perturbations shows that the aspect ratio 
of dense regions increases with time, resulting in the forma-
tion of fi laments. Thus, sheet-like clouds are expected to 
break up into fi laments whose separations are about twice 
the critical wavelength (i.e., several times the thickness of 
the sheet). If the external pressure is much smaller than the 
central pressure, the thickness of the sheet is on the order 
of the Jeans length (λJ ~ cstff). In contrast, if the external 
pressure is comparable to the central pressure, the thickness 
of the sheet can be much smaller than the Jeans length. As 
pointed out by Myers (2009), the fragmentation properties 
expected for compressed sheet-like clouds resemble the fre-
quently observed “hub-fi lament systems” (see also Burkert 
and Hartmann, 2004).

Magnetic fi elds that are perpendicular to the sheet tend 
to stabilize the sheet. Indeed, if the fi eld strength is larger 
than the critical value (Bcrit = 4π2GΣ2, where Σ is the surface 
density of the sheet), the sheet is stable against gravitational 
fragmentation (Nakano and Nakamura, 1978). In contrast, if 
the magnetic fi eld is in the plane of the sheet, the stabilizing 
effect is limited, but the direction of the fi eld determines 
the directions of fragmentation (Nagai et al., 1998). If the 
external pressure is much smaller than the central pressure 
of the sheet, the sheet will fragment into fi laments whose 
axis directions are perpendicular to the mean direction of 
magnetic fi eld lines. In this case, the masses per unit length 
of the resulting fi laments are expected to be about twice 
the critical value (Mline ~ 2Mline,crit). Such fi laments may be 
the dense fi laments observed with Herschel. On the other 
hand, if the external pressure is comparable to the central 
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Magnetic Field
�  B ~ nH
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�  k = 2/3 for weak magnetic field models (flux conservation)  
�  k = 0.4-0.5 for strong magnetic field models (ambipolar 
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Figure 1. Set of diffuse cloud and molecular cloud Zeeman measurements of the magnitude of the line-of-sight component Bz of the magnetic vector B and their 1σ
uncertainties, plotted against n(H) = n(H i) or 2n(H2) for H i and molecular clouds, respectively. Different symbols denote the nature of the cloud and source of the
measurement: H i diffuse clouds, filled circles (Heiles & Troland 2004); dark clouds, open circles (Troland & Crutcher 2008); dark clouds, open squares (Crutcher
et al. 1999), molecular clouds, filled squares (Crutcher et al. 1999); and molecular clouds, stars (Falgarone et al. 2008). Note that Zeeman measurements give the
direction of the line-of-sight component as well as the magnitude. By convention, positive Bz denote fields pointing away from the observer and vice versa. Only the
magnitudes |Bz| are plotted. The solid line segments show the most probable model from the comprehensive analysis, Section 6. Also shown (plotted as dotted line
segments) are the ranges given by acceptable alternative model parameters to indicate on the Bz plane the uncertainty in the model.

Zeeman tracers sensitive to different densities, or at different
positions. Refer to the original papers for additional details about
each observation.

The Bz are inferred from linear least-squares fitting of ob-
served Stokes V spectra by dI/dν spectra scaled by a parameter
proportional to Bz, where I is the observed Stokes I spectrum and
dI/dν is obtained by numerical differentiation of the Stokes I
spectra. The procedure also yields the uncertainty σ in Bz; these
uncertainties are dominated by the stochastic noise in the ob-
served spectra and are Gaussian-normal distributed. Note that
Zeeman measurements give the direction of the line-of-sight
component as well as the magnitude. By convention, positive
Bz denote fields pointing away from the observer and vice versa.
Hence, the PDF of a single Zeeman measurement is Gaussian,
with the range perhaps distributed across both positive and neg-
ative values of Bz.

The n(H) are inferred as described above. In no case does the
inference n(H) depend on Bz, so the uncertainties in the n(H)
are independent of the uncertainties in the Bz. The PDF of the
uncertainties in the n(H) is unknown; in our analysis we make
an assumption about this, as described below.

The data are clearly not distributed uniformly in n(H), with
significant gaps around n(H) ∼ 102.5 cm−3 and n(H) ∼
104.5 cm−3. This might suggest that there are selection effects
or biases in the estimates of n(H) that may affect a statistical
analysis. However, these gaps are purely due to the very limited
number of species with significant Zeeman sensitivity, i.e.,
those with an unpaired electron. The only species with Zeeman
detections in the interstellar medium are H i, OH, and CN. For
reasons of abundance and excitation, these sample respectively
the approximate density ranges 1 cm−3 < n(H) < 102 cm−3,
103 cm−3 < n(H) < 104 cm−3, and 105.3 cm−3 < n(H) <
106.3 cm−3. In Figure 1, the effect of these different probes
of Bz is apparent. At low densities, all of the data come
from the Arecobo H i absorption-line study (Heiles & Troland
2004). The OH dark cloud Bz that fill the intermediate density

range of points in Figure 1 come mainly from the Arecibo
OH emission-line survey (Troland & Crutcher 2008), but some
from the heterogeneous (Crutcher et al. 1999) compilation. That
compilation also included single-dish and interferometer studies
of mainly OH but also H i lines that sampled higher densities;
the highest density point, from an excited-state OH line, comes
from this compilation. The CN survey (Falgarone et al. 2008)
sampled the highest densities. The gaps in the distribution of
the n(H) therefore reflect limitations in sampling of the full
density range n(H) imposed by the very limited number of
Zeeman-sensitive species and not any biases that would affect
the statistical analysis.

Finally, we should note that the Zeeman effect measures the
line-intensity-weighted mean Bz in the gas that produces a single
spectral line. When there are multiple line velocity components
along the same line of sight, one can infer separate Bz for
each velocity component independently. However, if magnetic
fields were tangled within a cloud and only a single spectral-
line component were identified with that cloud, the Zeeman
effect would recover only the net field and hence magnetic
flux through the cloud. The oppositely directed line-of-sight
components within the cloud would produce no net Zeeman
effect. Hence, the total magnetic pressure within a cloud with
a tangled magnetic filed would be higher than inferred from
the Zeeman effect. Although such tangling would not occur if
the magnetic energy dominated turbulent energy, for the case
of weak magnetic fields the importance of magnetic pressure
could be underestimated.

3. DATA ANALYSIS CONCEPTS

3.1. Obtaining the PDF for the
Total Magnetic Field Strength

Before describing the details of the statistical analysis that
we carried out, we present a brief qualitative description of
two PDFs that we employ, in order to clarify the concept of the

Crutcher et al. 2010

B2 ~ M ~ nHr3 

r ~ nH
1/3



Planck Collaboration: Probing the role of the magnetic field in the formation of structure in molecular clouds

Fig. 1. Magnetic field and column density measured by Planck towards the Taurus MC. The colours represent column density. The
“drapery” pattern, produced using the line integral convolution method (LIC, Cabral & Leedom 1993), indicates the orientation of
magnetic field lines, orthogonal to the orientation of the submillimetre polarization.

of relative orientation, so that the statistical significance of each
study is dependent on the total number of clouds observed. In a
few regions of smaller scale, roughly a few tenths of a parsec,
Koch et al. (2013) reported a preferential orientation of the mag-
netic field, inferred from polarized dust emission, parallel to the
gradient of the emission intensity.

1.0. New studies using Planck

By measuring the intensity and polarization of thermal emission
from Galactic dust over the whole sky and down to scales that
probe the interiors of nearby MCs, Planck2 provides an unprece-
dented data set from a single instrument and with a common
calibration scheme, for the study of the morphology of the mag-
netic field in MCs and the surrounding ISM, as illustrated for the
Taurus region in Fig. 1. We present a quantitative analysis of the
relative orientation in a set of nearby (d < 450 pc) well-known
MCs to quantify the role of the magnetic field in the formation
of density structures on physical scales ranging from tens of par-
secs to approximately one parsec in the nearest clouds.

2 Planck (http://www.esa.int/Planck) is a project of the
European Space Agency (ESA) with instruments provided by two sci-
entific consortia funded by ESA member states (in particular the lead
countries France and Italy), with contributions from NASA (USA) and
telescope reflectors provided by a collaboration between ESA and a sci-
entific consortium led and funded by Denmark.

The present work is an extension of previous findings, re-
ported by the Planck collaboration, on the study of the polarized
thermal emission from Galactic dust. Previous studies include an
overview of the polarized thermal emission from Galactic dust
(Planck Collaboration Int. XIX 2014), which reported dust po-
larization fractions up to 20 % at low NH, decreasing system-
atically with increasing NH to a low plateau for regions with
NH > 1022 cm�2. Planck Collaboration Int. XX (2014) presented
a comparison of the polarized thermal emission from Galactic
dust with results from simulations of MHD turbulence, focus-
ing on the statistics of the polarization fractions and angles.
Synthetic observations were made of the simulations under the
simple assumption of homogeneous dust grain alignment e�-
ciency. Both studies reported that the largest polarization frac-
tions are reached in the most di↵use regions. Additionally, there
is an anti-correlation between the polarization fraction and the
dispersion of the polarization angle. This anti-correlation is well
reproduced by the synthetic observations, indicating that it is es-
sentially due to the turbulent structure of the magnetic field.

Over most of the sky Planck Collaboration Int. XXXII
(2014) analyzed the relative orientation between density struc-
tures, characterized by the Hessian matrix, and polarization, re-
vealing that most of the elongated structures (filaments or ridges)
have counterparts in the Stokes Q and U maps. This implies
that in these structures the magnetic field has a well defined
mean direction at the scales probed by Planck. Furthermore, the

3
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incompressible magneto-hydrodynamic (MHD) turbulence 
was fi rst proposed by Goldreich and Sridhar (1995, 1997). 
Cho and Vishniac (2000), Maron and Goldreich (2001), 
and Cho et al. (2002) numerically verifi ed the anisotropy 
predicted by the Goldreich-Sridhar model. Similar anisotropy 
was also observed in compressible MHD simulations from 
Cho and Lazarian (2002) and Vestuto et al. (2003).

Heyer et al. (2008) fi rst observed turbulence anisotropy in 
a molecular cloud by showing that the 12CO (1–0) turbulence 
velocity is more coherent in the direction along the B fi eld 
(Fig. 9). The region they studied is roughly (2° × 2°) cen-
tered at 4h50m0s, 27°0′0″ (J2000) in the Taurus Molecular 
Cloud. AV is less than 2 mag in this region (Schlegel et al., 
1998), and thus the conclusion from this work is restricted 
to the cloud envelope. In the same region, they also ob-
served that the 12CO emission exhibits “fi laments” (see 
Observation V) that are aligned along the magnetic fi eld 
direction. B-fi eld channeled turbulent anisotropy is also 
seen with 12CO (1–0) spectra from Ophiuchus (Ji and Li, 
in preparation), where the direction with the least velocity 
dispersion tends to align with the B fi eld. Heyer and Brunt 
(2012) extended the study of Heyer et al. (2008) to higher 
density using 13CO (1–0) lines, which traces AV = 4–10 mag 
and exhibits little evidence for anisotropy.

Heyer and Brunt (2012) interpret the observation as the 
turbulence transiting from sub- to super-Alfvénic in regions 
with higher column density. However, we note that AV = 
4 mag is measured from the “hub” (see Observation VI) 
and happens to be the cloud-contraction threshold of TMC 
(Kainulainen et al., 2009) (Observation III). It means that, 
over this density limit, contraction velocities in all direc-
tions dominate the turbulent velocity so turbulent anisot-
ropy is less clearly observable. Moreover, super-Alfvénic 
turbulence in regions with AV = 4–10 mag also contradicts 
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Fig. 7.  Examples of cloud B-fi eld morphologies. Vectors show B-fi eld directions probed by different wavelengths. (a) Sub-
millimeter intensity contours overlapped by submillimeter polarimetry inferred B fi elds (Li et al., 2006). (b) Inferred B fi elds 
on top of the AV map. Optical and submillimeter data are aligned (Matthews et al, 2013). (c) Grayscale shows relative 
AV. Optical and IR data are aligned (Chapman et al., 2011). A color version of this fi gure is available at http://arxiv.org/
pdf/1404.2024v1.pdf.
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�  From 10 pc to 0.1 pc scales, molecular clouds 
appear to be either parallel or perpendicular to 
magnetic fields 

Li et al. 2013

The Astrophysical Journal, 792:116 (12pp), 2014 September 10 Zhang et al.

polarization percentage varies from 1% to as high as 10% in
sources such as NGC 6334In. Among the sources with spatially
resolved polarized emission, DR 21 (OH) shows polarization
with large angular dispersions. The polarization segments are
relatively ordered in sources G240, NGC 6334 I/In, G34.43,
G35.2N and W51E2. Sources NGC 6334 IV/V, IRAS 18360,
and W51E2 have moderate dispersions in the polarization angle.

3.2. Molecular Outflows

Molecular outflows often mark the birth of protostars. During
the phase of protostellar accretion, infalling gas with excess
angular momenta is ejected in a wind. The detailed process
involved in launching the wind is unclear for massive outflows
(Qiu et al. 2007). However, it is likely related to magnetic fields,
similar to outflows in low-mass protostars (Shang et al. 2007).
The wind, which travels at several 100 km s−1 (e.g., HH80/81
Marti et al. 1998), interacts with the ambient gas and produces
molecular outflows seen in CO (Zhang et al. 2001) and other
tracers (Qiu et al. 2007). Therefore, the orientation of outflows
defines the axis of the accretion disk that is not spatially resolved
in the SMA observations.

The right panels of Figure 1 present molecular outflows
identified in the CO 3–2 transition obtained simultaneously in
the SMA polarization observations. The blue and red shifted CO
emission are plotted in blue and red contours. For W51E2, we
use the CO 3–2 outflow data from Shi (2010). We also mark the
orientation of the outflows with arrows. In many cases, blue- and
redshifted outflows can be paired in a bipolar fashion. However,
there are outflows that appear to be unipolar. We identified a
total of 21 outflows in our sample. At the first glance, the major
axis of some outflows, e.g., G240, is parallel to the magnetic
fields. Other outflows, such as those in G192 and G35.2N, have
major axes perpendicular to the orientation of the magnetic field.
There are also outflows that are oriented between 0◦ and 90◦ with
respect to the magnetic field. Some outflow pairs emanate from
the same cores, but with the outflow axes more than 60◦ apart
(e.g., DR 21(OH)).

3.3. Comparison with Clump-scale
Polarization and Morphology

One of the questions to be addressed in this survey is
how magnetic fields at scales of !0.1 pc compare with that
of the parsec-scale magnetic fields revealed by the single
dish telescopes. In our sample, sources with published single
dish polarization measurements are NGC 6334 I/In/VI/V,
G34.43, G35.2N, DR 21(OH), W51E2, W51N, and DR 21(OH)
(Matthews et al. 2009; Cortes et al. 2008; Dotson et al. 2010).
These data, measured at a spatial resolution from 10′′ to 20′′,
correspond to the average polarization direction at a linear scale
of 0.1–0.6 pc for source distances from 1.5 kpc to 6 kpc.
We compare the polarization position angle measured with
the SMA with the position angle measured at the larger scale
for the same position. The majority of the SMA data reveal
polarized emission within an extent of <15′′. The most extended
polarization emission in the SMA observations is 20′′ seen
in DR 21(OH). Thus, the large-scale polarization do not vary
significantly across the SMA maps.

To account for the difference in linear resolution in the
SMA sample due to varying source distances, we convolved the
Stokes I/Q/U images to the lowest linear resolution (0.03 pc)
corresponding to the source at the farthest distance. We then
compute the polarization angles using the MIRIAD task impol.
This normalization is needed to remove the bias toward the

Figure 2. Difference in dust polarization angles measured at the clump scale
and the core scale. The dashed and dotted lines represent the project angles of
two randomly distributed vectors with an intersecting angle from 0◦ to 40◦ and
from 80◦ to 90◦, respectively. The dashed-dotted line is the combination of the
two distributions.

nearby objects that have a better linear resolution in the images,
and thus contribute more data points to the statistical analysis
outlined below. For the nearest targets, the convolution degrades
the angular resolution by a factor of 3.5. We note that the
polarization angles in the convolved images resemble the maps
at native SMA resolutions.

We use the convolved SMA images to compute |θclump(pol)−
θSMA(pol)| for every independent measurement in the SMA data.
Here θclump(pol) is the polarization position angle measured with
single dish telescopes, and θSMA(pol) is the polarization position
angle measured with the SMA at the scale of dense cores. For
most of the targets, the spatial extent of the polarized emission is
smaller than the single dish beam. For polarization sources that
are more extended than the single dish beam, we interpolate the
single dish data to compute the angular difference. To limit errors
in polarization angles, we apply a cutoff of σ>3.5σQ to the SMA
polarization data, although the results remain the same if a lower
cutoff of 3σ or 2.5σ is applied. Since the direction of magnetic
field vectors is not determined in polarization measurements,
we limit the angular difference |θclump(pol) − θSMA(pol)| from
0◦ to 90◦. A 0◦ difference corresponds to the case where
magnetic fields in the SMA image are aligned with the large-
scale magnetic fields, whereas a 90◦ difference implies that the
two are perpendicular.

Figure 2 presents the distribution of the angular difference
between the polarization measurements with the single dish
and those measured with the SMA. The figure shows that
there is a large number of SMA polarization segments aligned
within 40◦ with the large-scale polarization. Among the 173
independent polarization measurements at a scale of 0.03 pc,
over 60% of them are at position angles within 40◦ of the
large-scale polarization. There is a lack of polarization segments
when the angular difference lies between 40◦ and 80◦. There is
another peak at an angular difference around 90◦. Overall, the
angular difference of polarization segments exhibits a bimodal
distribution: one group of polarization segments maintains the
polarization orientation of their parental clump; the other group
of polarization segments is perpendicular to the polarization
orientation of their parental clump. This finding implies that
magnetic fields at the core scale of 0.03 pc are organized.
Otherwise, randomly oriented fields would render an equal
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Fig. 3. Left: Columm density map, log10(NH/cm�2), overlaid with magnetic field psuedovectors whose orientations are inferred from
the Planck 353 GHz polarization observations. The length of the pseudovectors is normalized and so does not reflect the polarization
fraction. In this first group, the regions analyzed are, from top to bottom, Taurus, Ophiuchus, Lupus, Chamaeleon-Musca, and CrA.
Right: HROs for the lowest, an intermediate, and the highest NH bin (black, blue, and red, respectively). For a given region, bins have
equal numbers of selected pixels (see Sect. 4.1.1 and Appendix A) within the NH ranges labelled. The intermediate bin corresponds
to selected pixels near the blue contours in the column density images. The horizontal dashed line corresponds to the average per
angle bin of 15 �. The widths of the shaded areas for each histogram correspond to the ±1� uncertainties related to the histogram
binning operation. Histograms peaking at 0� correspond to B? predominantly aligned with iso-NH contours. Histograms peaking at
90� and/or �90� correspond to B? predominantly perpendicular to iso-NH contours.

mass star formation known as the IC 5146 Northern4 Streamer
(Harvey et al. 2008). The Cepheus Flare, called simply Cepheus
in this study, is a large complex of dark clouds that seems to
belong to an even larger expanding shell from an old supernova
remnant (Kun et al. 2008). Orion is a dark cloud complex with
ongoing high and low mass star formation, whose structure ap-
pears to be impacted by multiple nearby hot stars (Bally 2008).

Taking into account background/foreground emission and
noise within these regions, pixels are selected for analysis
according to criteria for the gradient of the column density
(Appendix A.2) and the polarization (Appendix A.2).

4 In equatorial coordinates.

4. Statistical study of the relative orientation of the
magnetic field and column density structure

4.1. Methodology

4.1.1. Histogram of Relative Orientations

We quantify the relative orientation of the magnetic field with
respect to the column density structures using the HRO (Soler
et al. 2013). The column density structures are characterized by
their gradients, which are by definition perpendicular to the iso-
column density curves (see calculation in Appendix B.1). The
gradient constitutes a vector field that we compare pixel by pixel

6

Planck XXXV 2015
Zhang et al. 2014

0.1 pc Massive Cores

10 pc Clouds

1 pc Filaments



3712 H.-b. Li et al.

Figure 3. A schematic illustration of the two types of filamentary clouds
forming under dynamically dominant B-fields. By dynamically dominant,
we mean that gravity is magnetically subcritical and the turbulence is sub-
Alfvénic. Gravitational pressure (Pg) and turbulent pressure (Pt) here only
effectively compete along the direction of the field lines. When reaching
equilibrium (Pg = Pt), the dimensions of the clouds along the B-field are,
respectively, l1 and l2. Projected on the plane of sky, cloud 1 is parallel with
the B-field and cloud 2 is perpendicular to the B-field. A subregion (with
diameter r) within these clouds has to reach a critical density in order to
contract in a direction across the field lines (see Section 4.2).

within the contour, such that the summation of all the distances be-
tween the linear function and the pixels is minimized. Using various
values of contours, we can examine the dependence between cloud
directions and column densities.

2.1.2 The extinction maps

With the definition of a cloud orientation given above, we have
derived cloud directions using dust extinction maps from three
archives: the IRAS-based extinction maps from Schlegel, Finkbeiner
& Davis (1998, hereafter SFD) and near-infrared (IR) colour-excess
Two Micron All Sky Survey (2MASS)-based extinction maps from
Rowles & Froebrich (2009, hereafter RF) and from Dobashi (2011).
The difference between the latter two archives is that Dobashi ap-
plied a 2◦ high-pass filter to the maps in order to remove the ex-
tended, low-column density component that clearly results from the
diffuse extinction of the Galactic plane instead of clouds.

The three archives have similar angular resolutions (a few ar-
cmin), and result in similar directions for clouds with galactic lati-
tude |b| > 10◦. For the five clouds with |b| < 10◦ (Pipe, IC 5146,
Lupus II–VI, Coalsack and Aquila; Figs 1 and 2), the SFD and RF
cloud maps show significant extended fore-/background contami-
nation from the Galactic disc, and the directions derived from their
autocorrelation trace the Galactic plane instead of cloud structures.
The fact that the Dobashi maps result in similar orientations as those
derived from SFD and RF maps for clouds with |b| > 10◦, but not
|b| < 10◦, suggests that high-pass filtering efficiently removes only
the extended component.

It could be argued that Dobashi’s 2◦ spatial filter may affect the
resulting directions for clouds with |b| < 10◦. To look into this, we
applied 1◦ and 4◦ high-pass filters to the RF maps and re-calculated
the orientation angles. The resulting angles are indistinguishable
from those derived from the original Dobashi (2011) data. We thus
adopt the Dobashi data for the analysis of cloud orientation.

2.1.3 Results

The Dobashi maps of the Gould Belt clouds and their normalized
autocorrelation maps are presented in Figs 1 and 2. We show in

Table 1. Directions in degrees (increasing counterclockwisely from Galactic north) of filaments and B-fields.

Cloud name Filament B-fields
Higha Mediuma Lowa Meanb IQRb Number of detections

IC 5146 − 50 (3.8) − 53 (3.7) − 38 (5.1) 64 32 21
Pipe Nebula − 41 (1.4) − 44 (1.6) − 45 (3.4) 49 27 22
Orion − 85 (2.0) − 91 (2.8) − 90 (4.3) 1 54 325
Chamaeleon − 184 (1.9) − 187 (2.1) − 161 (10.5) −71 22 32
Taurus − 105 (2.1) − 105 (2.3) − 105 (4.1) 0 37 387
Lupus I − 11 (1.7) − 14 (5.4) − 1 (6.9) 98 26 8
Lupus II–VI − 63 (2.0) − 60 (2.6) − 73 (7.1) 81 23 23
Corona Aus. 12 (2.4) 1 (2.6) − 26 (4.6) −27 65 69
Coalsack 86 (1.6) 80 (1.8) 74 (4.3) 85 13 222
Cepheus (1) 45 (1.3) 65 (1.6) 69 73 128
Ophiuchus − 38 (2.0) − 48 (3.6) − 45 (4.6) −65 51 305
Aquila 26 (1.3) 92 (1.3) 105 (2.7) 135 21 17
Perseus 38 (2.1) 31 (6.5) 32 (7.2) 59 69 170
aHigh-, medium- and low-density directions are defined by, respectively, the red, green and blue autocorrelation
contours in the middle column of Figs 1 and 2 (Section 2.1). The numbers in parentheses are the aspect ratios of
the filaments.
bBased on optical polarimery data shown in the right-hand column of Figs 1 and 2 (Section 2.2).
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4.2. Derivation of the Magnetic Field Strength

4.2.1. Formalism

To evaluate the magnetic field strength in the plane of the sky from dust polarization

measurement, the Chandrasekhar–Fermi (hereafter CF; Chandrasekhar & Fermi 1953)

equation is the most widely used method. The CF equation suggests that the ratio of

turbulence to magnetic field strength would lead to a similar level of variation in the

magnetic field as well as in the velocity field,
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where B is the strength of the magnetic field, �B is the variation about B, �Vlos is the

velocity dispersion along the line of sight, and VA = B/
p
4⇡⇢ is the Alfvén speed at density

⇢.

Recently, a statistical modification of the CF equation has been proposed, which

avoids inaccurate estimates of field strengths due to a large-scale field model in the CF

method (Hildebrand et al. 2009) and includes the signal integration across telescope beam

and through line-of-sight depth of the source (Houde et al. 2009, 2011, 2016). Assuming

the magnetic field on the plane of sky to be composed of a large-scale ordered component

B0 and a small-scale turbulent component Bt, Houde et al. (2016) suggests that if the

turbulence correlation length � is much smaller than the thickness of the cloud �0, the

ratio of Bt to B0 can be evaluated from the dispersion function of the observed polarization
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sic dispersion, which is in W51 e1 and in W51 e2.5¡.8 9¡.0
Our results for the dispersion analysis are summarized in
Table 2.

3.3. Polarization Percentage Distribution
The average polarization percentage of the W51 e1/e2

cores is 1.8% ^ 0.4%, including positions for which polar-
ization vectors are not plotted in Figure 1 because is tooI

psmall. W51 e2 has a lower polarization percentage
(1.1% ^ 0.3%) than that of W51 e1 (3.2% ^ 0.6%). To
better compare with previous observations, we convolved
our map to 30A resolution with a Gaussian beam and
obtained 1.3% ^ 0.2% polarization with a position angle of
25¡ ^ 3¡. The polarization detections we have obtained are
clearly di†erent from the single-dish results : at 1.3 mm
(HPBW \ 30@@), Kane et al. (1993) measured a polarization
percentage of 0.50% ^ 0.21% at an angle of [31¡ ^ 11¡ ; at
100 km (HPBW \ 35@@), Dotson et al. (2000) obtained zero
polarization (0.54% ^ 0.58%). However, all results could
still be consistent, since the low S/N ratio of these single-
dish measurements can lead to large uncertainty in the
polarization angle. Our observations demonstrate that high
resolution is important for successful detection and
mapping of magnetic Ðelds in molecular cores.

Figure 3 shows plots of the polarization percentage
versus Stokes I. These plots show that the polarization per-
centage decreases as the total intensity increases in both
W51 e1 and e2. Such a decrease in the polarization toward
high-intensity regions (the depolarization) has been com-
monly seen in polarization observations, e.g., L1755
(Lazarian, Goodman, & Myers 1997), OMC-1 (Schleuning
1998), and OMC-3 (Matthews & Wilson 2000). Lazarian et
al. (1997) have shown that the depolarization can be
explained as a consequence of the dust alignment efficiency
decreasing toward the inner parts of the dark clouds, since
all known mechanisms of grain alignment fail under the
typical physical conditions of dark cloud interiors. On the
other hand, beam smearing over small-scale Ðeld structure
can also produce low polarization percentage (Rao et al.
1998) ; this can only be veriÐed by observations with higher
resolution.

Because of the apparent close anticorrelation of the
polarization percentage and the total intensity in Figure 3,
it is interesting to perform a least-squares linear Ðt on these
two quantities. We obtain log10 (p) \ ([1.52 ^ 0.01)

with a correlation coefficient of[ (0.63 ^ 0.07) ] log10 (I),
[0.91 in W51 e1, and log10 (p) \ ([1.73 ^ 0.01) [ (0.99

with a correlation coefficient of [0.97^ 0.04) ] log10 (I)
in W51 e2. However, because of the difficulty of excluding

TABLE 2

ESTIMATES OF MAGNETIC FIELD STRENGTHS IN THE

PLANE OF THE SKY

pÕa d/obsb d/c nHd B
p
e

Region (deg) (deg) (deg) (cm~3) (mG)

e1 . . . . . . 4.9 ^ 1.4 4.8 ^ 2.0 \5.8 5]104 [0.3
e1 . . . . . . 4.9 ^ 1.4 4.8 ^ 2.0 \5.8 106 [1.3
e2 . . . . . . 6.7 ^ 3.4 6.6 ^ 3.0 \9.0 5]104 [0.2
e2 . . . . . . 6.7 ^ 3.4 6.6 ^ 3.0 \9.0 106 [0.8

a The measurement uncertainty of the polarization angle.
b The observed polarization-angle dispersion.
c The intrinsic polarization-angle dispersion.
d The number density of atomic hydrogen.
e The plane-of-sky magnetic Ðeld strength.

the free-free emission at every position, direct comparison
between our results and the dust alignment mechanisms
cannot be done. The tight correlations hint that the depo-
larization in the W51 e1/e2 cores is a gradual and global
e†ect. Therefore, it is unlikely that the depolarization is
entirely caused by a sudden change of the alignment mecha-
nism in a local region, as was reported in Orion-KL (Rao et
al. 1998).

4. DISCUSSION

4.1. Magnetic Field Morphology
The magnetic Ðeld direction inferred from the paramag-

netic relaxation of grain alignment is perpendicular to the
direction of the linear polarization of the dust emission
(Davis & Greenstein 1951). Therefore, the average direc-
tions of the magnetic Ðelds are 113¡ ^ 5¡ in W51 e1 and
105¡ ^ 7¡ in W51 e2 (excluding e2 pol NW). The Ðeld direc-
tions are approximately parallel to the minor axis of the
two cores, suggesting that matter collapsed along the Ðeld
lines to form the parent cloud of the double cores. The
uniform Ðeld structure in the W51 e1/e2 cores also suggests
that ionized gas in the UC H II regions does not have much
interaction with the magnetic Ðeld, or that the interaction
only exists on a scale smaller than our synthesized beam.

Comparison between the Ðeld morphology and the rota-
tional axes of W51 e1/e2 provides interesting implications
for the relation between magnetic Ðelds and core formation.
Rotational motions have been observed toward these two
cores by Zhang, Ho, & Ohashi (1998) from analysis of the
velocity gradient of emission, and the derived rota-CH3CN
tional axis is at 66¡ ^ 27¡ for e1 and at 20¡ ^ 17¡ for e2.
Clearly, the rotational axes and the magnetic Ðeld direc-
tions of these two cores do not align with each other.
Although it has been suggested that protostellar disks may
drag the Ðeld lines as they rotate (Holland et al. 1996), it
may not be the case for these two cores. The Ðeld directions
vary smoothly along the two cores. Thus, it is unlikely that
two independent rotating cores that twist the Ðeld lines
separately would produce a matched Ðeld morphology.
Therefore, the smooth magnetic Ðeld structure is most likely
associated with the common envelope of e1 and e2. Zhang
et al. (1998) caution that the uncertainty in their analysis
may be large. However, if the di†erence between the direc-
tions of rotational axes and magnetic Ðelds is indeed signiÐ-
cant, the magnetic Ðeld of the parent cloud seems to have
had no e†ect in determining the axis of angular momentum
of these two cores.

4.2. Estimation of the Magnetic Field Strength
Owing to the lack of understanding of the detailed

mechanism of grain alignment, the magnetic Ðeld strength
cannot be directly derived from linear polarization mea-
surements of dust emission (Lazarian et al. 1997). However,
Chandrasekhar & Fermi (1953, hereafter CF53) have pro-
posed a method for estimating the Ðeld strength from the
dispersion of polarization angles (d/) by assuming that the
variation in polarization angles results from the pertur-
bation of waves on the Ðeld lines. In this case, theAlfve" n
Ðeld strength projected in the plane of the sky is given(B

p
)

by

B
p
\ QJ4no6 dvlos

d/
, (6)
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Figure 8. From bottom to top: P.A. distribution of the polarization vectors around
source A with respect to the average value, ⟨P.A.⟩ = 95.◦0. P.A. distribution of
the polarization vectors around source B with respect to the average value,
⟨P.A.⟩ = 24.◦0. P.A. distribution of the residual from the parabolic fitting done
to the source A data and applied to all the data (i.e., including source B), which
is shown in Figure 9.

4–3 emission is also affected by the deep self-absorption and
the high optical depths. Thus, it may not be a good tracer to try
study the kinematics of the circumstellar/binary environment.
In contrast, the emission from the SiO spectral line detected by
us is much less contaminated and therefore is a better tracer of
this new outflow.

Source B does not appear to show any active outflow and the
only hint of any outflow activity may be the presence of a free–
free component at very small scales (∼15 AU) derived indirectly
from the spectral index map at cm wavelengths (Loinard et al.
2007). This has been interpreted to imply that source B has
not yet started the phase of significant mass loss (Chandler
et al. 2005). Most of the emission comes from a very compact,
optically thick disk (Rodrı́guez et al. 2005), with a significantly
smaller amount of material in the envelope around it when
compared with other Class 0 sources (see Section 5.2). This
suggests that most of the mass has already been accreted onto the
disk and protostar. This raises the possibility that source B may
not be a true Class 0 protostar. The somewhat higher chemical
richness of source A with respect to source B may be due to the
higher outflow activity of source A (Chandler et al. 2005). The
lack of active accretion onto the disk from the circumstellar
environment may be the cause of the non-existent outflow
activity. It is possible that source B is (or was) the exciting
source of the extended NW–SE outflow. Thus, source B may be
a transition object between Class 0 and Class I, or possibly even
a Class I object (see Lada 1987; Wilking et al. 1989; Andre et al.

Figure 9. Top panel: overlap of the 0.88 mm dust emission and the B-vectors
(same as Figure 2) with the best solution for the parabolic family of functions
(blue solid lines). Bottom panel: the same as the top panel, but the best family of
functions is shown as B-vectors (in blue) at the same position as the measured
values.

1993, for definitions and descriptions of the various classes of
protostars). In this scenario, the uniform pattern of the magnetic
field could be tracing the residual circumstellar envelope of
source B. The narrower line widths associated with source B
as compared to A have been interpreted as B being younger
(Wootten 1989). If most of the material in source B comes from
a massive disk in the plane of the sky (Rodrı́guez et al. 2005;
Chandler et al. 2005; Loinard et al. 2007), then kinematical
motion in the disk will not broad the line width.

Source A shows the more typical features of a Class 0
protostar, with active and energetic molecular outflows sur-
rounding a contracting core (as inferred from the “hour-
glass” morphology). This suggests that it is in an active ac-
cretion phase. The H13CO+4–3 line traces dense molecular
gas (its critical density is ≃107 cm−1) and somewhat flat-
tened structure in the north–south direction around source A.
This flattened envelope is rotating with its axis in the east–west
direction, which is in projection nearly parallel to the more

Rao et al. 2001
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4.2. Derivation of the Magnetic Field Strength

4.2.1. Formalism

To evaluate the magnetic field strength in the plane of the sky from dust polarization

measurement, the Chandrasekhar–Fermi (hereafter CF; Chandrasekhar & Fermi 1953)

equation is the most widely used method. The CF equation suggests that the ratio of

turbulence to magnetic field strength would lead to a similar level of variation in the

magnetic field as well as in the velocity field,
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Recently, a statistical modification of the CF equation has been proposed, which

avoids inaccurate estimates of field strengths due to a large-scale field model in the CF

method (Hildebrand et al. 2009) and includes the signal integration across telescope beam

and through line-of-sight depth of the source (Houde et al. 2009, 2011, 2016). Assuming

the magnetic field on the plane of sky to be composed of a large-scale ordered component

B0 and a small-scale turbulent component Bt, Houde et al. (2016) suggests that if the

turbulence correlation length � is much smaller than the thickness of the cloud �0, the
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where �� (l) is the di↵erence between polarization angles measured for all pairs of

polarization segments separated by a distance l, the summation is a Taylor expansion

representing the structure in the B0 that does not involve turbulence, W1 and W2 are

the widths (i.e., the FWHM beam divided by
p
8 ln 2) of the synthesis beam and the

low-frequency filtering e↵ect, and N is the number of turbulent cells along the line of sight

obtained by
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The corresponding normalized signal-integrated turbulence autocorrelation function is
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Since Bt is the source to generate perturbation in B0, Bt is identical to the �B in the CF

equation (Equation 4). Therefore, one can apply the hB2
t i/hB2

0i derived from Equation 5 to

evaluate the magnetic fields strength on the plane of sky based on the CF equation
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4.2.2. Angular Dispersion Function of SMA Polarization Data

Since the JCMT and SMA polarization maps reveal ordered large-scale magnetic fields

along with scattered small-scale magnetic fields, the structure of magnetic fields of the

DR21 filament is similar to the configuration in Houde et al. (2016). We thus adopt the



DR21 Filament in the Cygnus X Complex16

Figure 12. The Cygnus X region observed at 24 µm with MIPS on Spitzer. North
is up and east is left. From Hora et al. (2008).

100 optical hot stars are known in OB1-8-9 (Mel’nik & Efremov 1995). In any case, it
becomes obvious that the definition/classification of OB associations in the Cygnus X
region needs to be revised.

Cygnus X also contains one of the most massive molecular cloud complexes of the
nearby Galaxy. Figure 14 shows the distribution of molecular gas through the 13CO
1→0 line at 45′′ resolution observed with the FCRAO (Simon et al. 2008). Schneider
et al. (2006) derived a total mass of 3–4×106 M⊙ for the Cygnus X molecular cloud
complex based on a 2′ angular resolution 13CO 2→1 survey (Fig. 15) performed with
KOSMA (Cologne observatory for submm-astronomy). Schneider et al. (2006, 2007)
showed that the molecular clouds in Cygnus X form connected groups, and that the
Cyg OB2 and OB1/9 associations directly heat the molecular material, implying that
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Fig. 1. Herschel maps of the DR21 environment showing a) 70 µm emission, b) column density, and c) dust temperature. The DR21 ridge is
delimited roughly by the NH2 = 1023 cm−2 contour plotted in panels b) and c). The filaments selected using DisPerSE (see Sect. 3) are named and
marked with dots along their crests in b) and c).

widths of about 0.1 pc (Arzoumanian et al. 2011). Resulting
self-gravitating cores with sizes of 0.01−0.1 pc and masses
up to 10 M⊙ are best candidates to form low- to possibly
intermediate-mass stars (see reviews by Di Francesco et al. 2007;
Ward-Thompson et al. 2007).

It is an important question which cloud structures lead to
the formation of high-mass stars (!10 M⊙) that are almost ex-
clusively found in stellar clusters or associations (see review
by Zinnecker & Yorke 2007). The Herschel imaging survey
of OB young stellar objects (HOBYS, Motte et al. 2010) ob-
serves massive molecular cloud complexes within 3 kpc dis-
tance to probe the cloud environment of OB star-forming cores,
their statistical evolution, and the effects of feedback on parental
clouds. Studying the Vela C region, Hill et al. (2011) suggested
that “ridges”, i.e., massive, gravitationally unstable filamentary
structures of high column density (NH2 > 1023 cm−2) that dom-
inate their environment could be preferential sites of high-mass
star formation (cf. Nguyen Luong et al. 2011). The ridge in
Vela C shows a complex substructure that could result from stel-
lar feedback (Minier et al. 2012). Furthermore, intersecting fil-
aments appear to mark sites of stellar cluster formation in the
Rosette cloud (Schneider et al. 2012).

This study focuses on the DR21 ridge (also called DR21
filament), the densest and most massive cloud structure in the
Cygnus X region (Schneider et al. 2006; Motte et al. 2007; Roy
et al. 2011) at a distance of 1.4 kpc (Rygl et al. 2012). It hosts
the embedded HII region DR21 (e.g., Roelfsema et al. 1989),
the maser source DR21(OH), and massive protostars (Bontemps
et al. 2010). Schneider et al. (2010) analysed molecular line
emission and identified three “sub-filaments” F1−F3 that con-
nect to the ridge. Velocity gradients suggest that material is
transported along them towards the ridge, and in the case of F3
a bend and possible direct connection to the DR21(OH) clump
is traced (cf. Csengeri et al. 2011). This behaviour supports the
scenario that sustained accretion of inflowing material plays a
role in building up massive clumps and cores and that it sets the
stage for high-mass star formation, as suggested by numerical
simulations (e.g., Balsara et al. 2001; Banerjee et al. 2006; Smith
et al. 2011). Here we exploit the unprecedented sensitivity of
Herschel far-infrared and submillimeter continuum imaging to
trace the detailed column density structure in this region.

2. Herschel observations and data reduction

Cygnus X North was observed in the parallel scan map mode
with PACS (Poglitsch et al. 2010) and SPIRE (Griffin et al. 2010)
on Dec. 18, 2010. To diminish scanning artefacts, two nearly
perpendicular coverages of 2.8× 2.8◦ were obtained in five pho-
tometric bands at 70, 160, 250, 350, and 500 µm with a scan
speed of 20′′/s. The data were reduced using the Herschel inter-
active processing environment and the Scanamorphos software
(Roussel 2012, for creating PACS maps).

The 70 µm map traces in particular heated dust towards star-
forming sites (Fig. 1a). To quantitatively estimate the distribu-
tion of the cold dust, which generally represents most of the dust
mass, we created maps of column density NH2 and dust tem-
perature Td in the way described in Hill et al. (2011, 2012), in-
cluding offsets to recover the absolute intensity level following
Bernard et al. (2010). Computed from the 160, 250, and 350 µm
bands, the maps provide an angular resolution of 25′′ (0.17 pc
at 1.4 kpc). They have undefined values for pixel groups to-
wards DR21, DR21(OH) (white pixels in Fig. 1b), and W75N
(see Fig. B.1) due to saturation at 250 and 350 µm.

3. The DR21 filaments
We show in Fig. 1a compact 70 µm sources that are protostar
candidates clustering along the DR21 ridge oriented north-south,
with the most prominent peak being DR21 itself. Supposedly ly-
ing at the same distance, they show a strong northward decrease
in luminosity. There are many filamentary streamers from the
ridge to, e.g., the north-west and west, most of which were also
detected in the mid-infrared with Spitzer (Marston et al. 2004;
Hora et al. 2009). They mainly correspond to low column den-
sity structures (Fig. 1b), but several filaments are prominent. The
extent of the DR21 ridge can be roughly defined by the NH2 =
1023 cm−2 contour enclosing an area of 2.3 pc2. Notably, the
“sub-filaments” of Schneider et al. (2010), labelled F1 and F3,
are recovered; both are resolved into nearly parallel northern and
southern components that join close to the ridge. The northern
part of the DR21 ridge shows two extensions in column den-
sity (“rabbit ears”) to the north and north-west (F1) that coin-
cide with the coldest regions where the dust temperature drops
as low as 14 K (Fig. 1c). The filaments are visible in the dust

L3, page 2 of 7

Hennemann et al. 2012



 

N. Schneider et al.: DR21 filament

Fig. 15. Left: color plot of infall velocity. The red contour line indicates the thermal sound speed of 0.2 km s−1. Grey triangles mark mm-continuum
sources. The two red lines indicate the cuts where we model spectra (Sect. 5.3). The cuts were selected to cross the center of each ellipse. Middle:
contours of infall velocity (levels are 0.3, 0.5, 0.7 km s−1) overlaid on a plot of line-integrated N2H+ intensity determined from a Gaussian line fit
to the –3 km s−1 component. It becomes obvious that the highest infall velocities are offset from density maxima. Right: mm-continuum emission
map taken from Motte et al. (2007), where the two ellipses indicate the clumps considered for modeling and calculating infall properties. Note that
all plots cover exactly the same area and have the same scales.

both turbulence and infall broaden the line, their parameter space
must be explored carefully.

For the HCO+ abundance, we take a value of X(HCO+) 1–
5 × 10−9 (e.g. Marseille et al. 2008) and adopt an isotope ra-
tio 12C/13C = 67 (e.g. Lucas & Liszt 1998). However, HCO+
is known to be depleted in cold environments and at densities
higher than ∼105 cm−3 (Tafalla et al. 2002). We expect this hap-
pens in Clump-16 but to a lesser extent in Clump-14 since this
region contains a hot core. We thus introduce a threshold density
ntresh in our model, with a sharp jump in the abundance profile
if n > ntresh. The depletion factor is assumed to be in the range
1–100.

Our strategy to constrain the infall speed was to vary the de-
pletion ratio, the abundance, and the threshold density (between
the given limits). To determine the best fit to the model, we per-
formed a reduced χ2-test.

5.3.2. Results

Figures 16 and 17 show the observed and modeled spectra of
HCO+ and H13CO+ for Clump-14 and Clump-16, respectively.
For better orientation, the two cuts are indicated in Fig. 15.
Table 2 summarizes the explored parameter space and gives the
results for the best fitting model. We note that the spectra of
both sources have broad wings caused by outflow emission that
we did not account for in our modeling.

Table 2. Results of Simline modelling where α2 is the density profile ex-
ponent at the transition to the subthermal layer and X(HCO+ the HCO+
abundance.

Clump-14 Clump-16
total mass 4900 M⊙ 3346 M⊙
size 0.52 pc 0.615 pc
density profile (α2) –8.0 –8.0
mass-averaged T 20 K 15 K
β –0.6 –0.5
line width 2.5 km s−1 1.5 km s−1

X(HCO+) 2.5 × 10−9 2.5 × 10−9

12C/13C 67 67
depletion ratio 7 28
τHCO+ 25 26
τH13CO+ 0.81 0.99
vinf –0.6 km s−1 –0.5 km s−1

Clump-14
For Clump-14, our best-fit model closely reproduces the spectral
lines of HCO+ (τ ∼ 25) and H13CO+ (τ ∼ 0.8). It was necessary
to use a rather large outer layer to reproduce well the absorption
dip, which extends to R ∼ 0.9 pc increasing by 20% the mass of
our model. We found that a temperature profile of β ∼ −0.6 and
a mass-averaged temperature of 20 K provides a closest fit to our
data, where the discrepancy in the peak intensity of the lines is
smaller than 20%. This also indicates that the inner part of this
clump tends to be hotter, reaching up to ∼100 K in the central
part.

Page 13 of 21

 v

A&A 520, A49 (2010)

Fig. 3. Channel maps of 13CO 1 → 0 emission in Cygnus X North in the velocity range –3.2 to –0.9 km s−1 observed with the FCRAO. The red
triangle shows the position of DR21 (OH). The three major subfilaments (F1, F2, F3) linked with the large DR21 filament are indicated in the plot
of velocity –2.6 km s−1.

Fig. 4. Positionally averaged (across the whole observing region for
each line) spectra of all lines observed in the DR21 filament using the
IRAM 30 m telesope. The HCO+ line is multiplied by a factor 8.5, the
C34S and H13CO+ lines by 10.

4.2.2. The DR21 filament in velocity-integrated maps

Based on the average spectrum (Fig. 4) we produced line inte-
grated maps of the bulk emission of the DR21 cloud (Fig. 5).
Though there are differences in the detailed emission distribu-
tion, one can separate three main regions: a southern cloud with
DR21, a middle emission peak with DR21(OH), and a northern
extension with two secondary peaks.

While DR21 is most prominent in the HCO+ and 13CO lines,
DR21(OH) is more pronounced in all optically thin lines. A
small shift in the position of peak emission of DR21(OH) can
be discerned by comparing C34S/H13CO+ and N2H+. For N2H+,
we determined the optical depth using the hyperfine structure
pattern of this line and found that τ remains below 1 basically
everywhere in the map. The latter traces cold, dense gas that is
located more south of the warmer central part of the DR21(OH)
region. Mauersberger et al. (1986) report a temperature above
200 K in a small region of size <9′′ in DR21(OH), and Wilson
& Mauersberger (1990) determine a rotation temperature of
34 K from NH3 observations. Mangum et al. (1991,1992) inter-
preted their observations as a detection of a B-star within the
DR21(OH) clump. The northern part of the filament is more
prominent in N2H+ and H13CO+ emission and not in C34S.
Wilson & Mauersberger (1990), and Wienen (2008) derive val-
ues around 20 K for this region.

Figure 6 is a position-velocity cut in 12CO and 13CO 2 → 1
and HCO+ 1 → 0 along the filament in which all data points
in RA were averaged. The greyscale image of 12CO emission
shows that the bulk emission of the DR21 filament at –3 km s−1

and the bulk emission of the W75N component at 9 km s−1 are
apparently connected. The gas linking the two components has
a low column density since it is only visible in 12CO and not in
13CO (red contours). A lack of 12CO emission exists between
∆δ = 0′′ and –150′′ at ∼8 km s−1, indicating that the (cooler)
W75N cloud lies in front of the DR21 filament and causes the
12CO self-absorption. Dickel et al. (1978) and Bieging et al.
(1982) came to the same conclusion following their detection
of self-absorbed line profiles in H2CO and OH toward DR21.
However, the situation is slightly more complicated because the
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Fig. 18. Color scale maps of the results of Gaussian line fitting (temper-
ature and velocity dispersion) to the –3 km s−1 component of H13CO+
1 → 0 along the DR21 filament (but excluding the region of DR21).
Contours of velocity dispersion (second panel) at 0.75 and 1 km s−1 are
overlaid on both maps.

(Clump 16), a factor 20–30 shorter than the sound crossing time,
which indicates that they are indeed in global collapse (if the
simple picture of a collapse onto a single gravitational potential
is maintained). On the other hand, the infall rates are in agree-
ment with the theoretical predictions of both the micro-turbulent
core model (McKee & Tan 2003) and the gravo-turbulent frag-
mentation model (e.g. Klessen et al. 1998, 2000, 2001; Padoan
& Nordlund 2002; Banerjee & Pudritz 2007).

5.5. The kinematic structure of the DR21 filament

To further characterize the kinematic structure of the DR21 fil-
ament, we determine the line velocity and velocity dispersion
using H13CO+ and N2H+ by fitting a Gaussian profile to the –
3 km s−1 component as described in Sect. 5.2. For N2H+, we ad-
ditionally fitted the hyperfine structure pattern of the molecule.

5.5.1. Velocity dispersion

Figure 18 reveals that the H13CO+ main beam brightness temper-
ature map shows a V-shaped feature in the north of the filament.
The western component is a factor 2–3 weaker than the eastern
one, which has a pronounced peak at the position of N51. This
peak is stronger than that towards N44/DR21OH(M) (the reverse
is true for the line integrated intensity, see Fig. 5).

Most remarkable, however, is the velocity dispersion
σ (determined from the FWHM of the line with σ =
FWHM/(8 ln(2))0.5) seen in H13CO+ as well as in N2H+ (not
shown here). The velocity dispersion increases towards the ge-
ometrical center of the filament from sonic levels to values of
∼1.3 km s−1. In the northern part of the filament (declination off-
set >0′′), the gradient is stronger than in the southern part (south
of N44/DR21OH-(M)) where we see a more homogeneous dis-
tribution of σ. Interestingly, in the northern part of the region
highest σ-values are found between the two vertical features

Fig. 19. Color scale maps of the results of Gaussian line fitting (line
integrated intensity and line velocity) to the –3 km s−1 component of
N2H+ 1 → 0 along the DR21 filament (but excluding the region of
DR21). Contours of velocity dispersion of H13CO+ (0.75 and 1 km s−1)
are overlaid on the area map. Contour lines of the line integrated (–1
to 1 km s−1) emission of the 0 km s−1 component are overlaid on the
velocity map (levels 1, 2, 3 K km s−1).

of H13CO+ emission (with a decrease of σ from ∼1 km s−1 to
∼0.8 km s−1 in the densest region in the east). This becomes
even more obvious in Fig. 19 where we plot contours of σ (from
H13CO+) over a map of N2H+ line integrated intensity (propor-
tional to the column density). Thus, there is a clear offset be-
tween high σ and high column densities. This scenario can be
explained if it is assumed that clumps are produced by turbulent
flows because in this case, the densest gas has been shocked and
slowed down so that the largest velocity dispersions do not occur
in the densest regions but in the outskirts (Klessen et al. 2005;
Vazquez-Semadeni et al. 2008; Federrath et al. 2009). We re-
turn to this point in the discussion. The southern part (offset
Dec < 0′′) seems to behave differently. The N2H+ column den-
sity and H13CO+ line temperature are highest in the core region
(∼0.5 pc diameter) of N38, while the velocity dispersion remains
on a rather constant, high-level of around 1.2 km s−1 in an area of
∼1 pc diameter. However, a projection effect could explain the
difference: it is possible that a similar offset between velocity
dispersion and highest density region is seen face-on.

5.5.2. Velocity field

Figure 19 shows the complex velocity field of the DR21 fila-
ment determined from N2H+ (the H13CO+ map not shown here
looks very similar). Three main, basically horizontal, projected
velocity gradients are observed. While the northern and south-
ern part show a decrease of velocity from west to east (−2.2
and −0.8 km s−1 pc−1), the middle part has a positive value
of +2.3 km s−1 pc−1. Interestingly, we observe in this region a
“turnover” in the velocity gradient that corresponds to the ma-
terial of the 0 km s−1 component “falling” onto the bulk of the
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Fig. 1. Herschel maps of the DR21 environment showing a) 70 µm emission, b) column density, and c) dust temperature. The DR21 ridge is
delimited roughly by the NH2 = 1023 cm−2 contour plotted in panels b) and c). The filaments selected using DisPerSE (see Sect. 3) are named and
marked with dots along their crests in b) and c).

widths of about 0.1 pc (Arzoumanian et al. 2011). Resulting
self-gravitating cores with sizes of 0.01−0.1 pc and masses
up to 10 M⊙ are best candidates to form low- to possibly
intermediate-mass stars (see reviews by Di Francesco et al. 2007;
Ward-Thompson et al. 2007).

It is an important question which cloud structures lead to
the formation of high-mass stars (!10 M⊙) that are almost ex-
clusively found in stellar clusters or associations (see review
by Zinnecker & Yorke 2007). The Herschel imaging survey
of OB young stellar objects (HOBYS, Motte et al. 2010) ob-
serves massive molecular cloud complexes within 3 kpc dis-
tance to probe the cloud environment of OB star-forming cores,
their statistical evolution, and the effects of feedback on parental
clouds. Studying the Vela C region, Hill et al. (2011) suggested
that “ridges”, i.e., massive, gravitationally unstable filamentary
structures of high column density (NH2 > 1023 cm−2) that dom-
inate their environment could be preferential sites of high-mass
star formation (cf. Nguyen Luong et al. 2011). The ridge in
Vela C shows a complex substructure that could result from stel-
lar feedback (Minier et al. 2012). Furthermore, intersecting fil-
aments appear to mark sites of stellar cluster formation in the
Rosette cloud (Schneider et al. 2012).

This study focuses on the DR21 ridge (also called DR21
filament), the densest and most massive cloud structure in the
Cygnus X region (Schneider et al. 2006; Motte et al. 2007; Roy
et al. 2011) at a distance of 1.4 kpc (Rygl et al. 2012). It hosts
the embedded HII region DR21 (e.g., Roelfsema et al. 1989),
the maser source DR21(OH), and massive protostars (Bontemps
et al. 2010). Schneider et al. (2010) analysed molecular line
emission and identified three “sub-filaments” F1−F3 that con-
nect to the ridge. Velocity gradients suggest that material is
transported along them towards the ridge, and in the case of F3
a bend and possible direct connection to the DR21(OH) clump
is traced (cf. Csengeri et al. 2011). This behaviour supports the
scenario that sustained accretion of inflowing material plays a
role in building up massive clumps and cores and that it sets the
stage for high-mass star formation, as suggested by numerical
simulations (e.g., Balsara et al. 2001; Banerjee et al. 2006; Smith
et al. 2011). Here we exploit the unprecedented sensitivity of
Herschel far-infrared and submillimeter continuum imaging to
trace the detailed column density structure in this region.

2. Herschel observations and data reduction

Cygnus X North was observed in the parallel scan map mode
with PACS (Poglitsch et al. 2010) and SPIRE (Griffin et al. 2010)
on Dec. 18, 2010. To diminish scanning artefacts, two nearly
perpendicular coverages of 2.8× 2.8◦ were obtained in five pho-
tometric bands at 70, 160, 250, 350, and 500 µm with a scan
speed of 20′′/s. The data were reduced using the Herschel inter-
active processing environment and the Scanamorphos software
(Roussel 2012, for creating PACS maps).

The 70 µm map traces in particular heated dust towards star-
forming sites (Fig. 1a). To quantitatively estimate the distribu-
tion of the cold dust, which generally represents most of the dust
mass, we created maps of column density NH2 and dust tem-
perature Td in the way described in Hill et al. (2011, 2012), in-
cluding offsets to recover the absolute intensity level following
Bernard et al. (2010). Computed from the 160, 250, and 350 µm
bands, the maps provide an angular resolution of 25′′ (0.17 pc
at 1.4 kpc). They have undefined values for pixel groups to-
wards DR21, DR21(OH) (white pixels in Fig. 1b), and W75N
(see Fig. B.1) due to saturation at 250 and 350 µm.

3. The DR21 filaments
We show in Fig. 1a compact 70 µm sources that are protostar
candidates clustering along the DR21 ridge oriented north-south,
with the most prominent peak being DR21 itself. Supposedly ly-
ing at the same distance, they show a strong northward decrease
in luminosity. There are many filamentary streamers from the
ridge to, e.g., the north-west and west, most of which were also
detected in the mid-infrared with Spitzer (Marston et al. 2004;
Hora et al. 2009). They mainly correspond to low column den-
sity structures (Fig. 1b), but several filaments are prominent. The
extent of the DR21 ridge can be roughly defined by the NH2 =
1023 cm−2 contour enclosing an area of 2.3 pc2. Notably, the
“sub-filaments” of Schneider et al. (2010), labelled F1 and F3,
are recovered; both are resolved into nearly parallel northern and
southern components that join close to the ridge. The northern
part of the DR21 ridge shows two extensions in column den-
sity (“rabbit ears”) to the north and north-west (F1) that coin-
cide with the coldest regions where the dust temperature drops
as low as 14 K (Fig. 1c). The filaments are visible in the dust
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Fig. 15. Left: color plot of infall velocity. The red contour line indicates the thermal sound speed of 0.2 km s−1. Grey triangles mark mm-continuum
sources. The two red lines indicate the cuts where we model spectra (Sect. 5.3). The cuts were selected to cross the center of each ellipse. Middle:
contours of infall velocity (levels are 0.3, 0.5, 0.7 km s−1) overlaid on a plot of line-integrated N2H+ intensity determined from a Gaussian line fit
to the –3 km s−1 component. It becomes obvious that the highest infall velocities are offset from density maxima. Right: mm-continuum emission
map taken from Motte et al. (2007), where the two ellipses indicate the clumps considered for modeling and calculating infall properties. Note that
all plots cover exactly the same area and have the same scales.

both turbulence and infall broaden the line, their parameter space
must be explored carefully.

For the HCO+ abundance, we take a value of X(HCO+) 1–
5 × 10−9 (e.g. Marseille et al. 2008) and adopt an isotope ra-
tio 12C/13C = 67 (e.g. Lucas & Liszt 1998). However, HCO+
is known to be depleted in cold environments and at densities
higher than ∼105 cm−3 (Tafalla et al. 2002). We expect this hap-
pens in Clump-16 but to a lesser extent in Clump-14 since this
region contains a hot core. We thus introduce a threshold density
ntresh in our model, with a sharp jump in the abundance profile
if n > ntresh. The depletion factor is assumed to be in the range
1–100.

Our strategy to constrain the infall speed was to vary the de-
pletion ratio, the abundance, and the threshold density (between
the given limits). To determine the best fit to the model, we per-
formed a reduced χ2-test.

5.3.2. Results

Figures 16 and 17 show the observed and modeled spectra of
HCO+ and H13CO+ for Clump-14 and Clump-16, respectively.
For better orientation, the two cuts are indicated in Fig. 15.
Table 2 summarizes the explored parameter space and gives the
results for the best fitting model. We note that the spectra of
both sources have broad wings caused by outflow emission that
we did not account for in our modeling.

Table 2. Results of Simline modelling where α2 is the density profile ex-
ponent at the transition to the subthermal layer and X(HCO+ the HCO+
abundance.

Clump-14 Clump-16
total mass 4900 M⊙ 3346 M⊙
size 0.52 pc 0.615 pc
density profile (α2) –8.0 –8.0
mass-averaged T 20 K 15 K
β –0.6 –0.5
line width 2.5 km s−1 1.5 km s−1

X(HCO+) 2.5 × 10−9 2.5 × 10−9

12C/13C 67 67
depletion ratio 7 28
τHCO+ 25 26
τH13CO+ 0.81 0.99
vinf –0.6 km s−1 –0.5 km s−1

Clump-14
For Clump-14, our best-fit model closely reproduces the spectral
lines of HCO+ (τ ∼ 25) and H13CO+ (τ ∼ 0.8). It was necessary
to use a rather large outer layer to reproduce well the absorption
dip, which extends to R ∼ 0.9 pc increasing by 20% the mass of
our model. We found that a temperature profile of β ∼ −0.6 and
a mass-averaged temperature of 20 K provides a closest fit to our
data, where the discrepancy in the peak intensity of the lines is
smaller than 20%. This also indicates that the inner part of this
clump tends to be hotter, reaching up to ∼100 K in the central
part.
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Fig. 14. Spectra of optically thick (12CO 2 → 1 and HCO+ 1 → 0) and
thin (N2H+ 1 → 0, C34S 2 → 1, and H13CO+) spectra from selected
positions in the DR21 filament. The 12CO intensity was reduced by a
factor of 4. To avoid confusion, the lower frequency HFS components
of the N2H+ line were suppressed.

emission of the molecular ridge (∼–3 km s−1) from the infalling
sub-filament at 0 km s−1 with a double Gaussian fit that precisely
determines σ of the bulk emission to be –3 km s−1. For the
optically thick HCO+ line, we did not perform such a double
Gaussian fit since the –3 km s−1 component, showing the infall
signature, dominates strongly over the single Gaussian 0 km s−1

component (this means that the subfilament does not show an in-
fall signature). We determined the temperature and the velocity
of the red (TRD, vred) and blue (TBD, vblue) part of the absorption
profile by fitting a Gaussian to each wing. We only computed
the infall speed in a region where the emission of the second
component does not contribute significantly and confuse the ab-
sorption profile. We note that we consider each point in the map
as a single two-layer model (as outlined in Myers et al. 1996).

Figure 15 shows the results of this procedure. Supersonic in-
fall velocities, vin > 0.2 km s−1 for gas of a temperature of 10 K
(typical value found), are detected within the red contour line,
i.e. covering a large part of the filament. Interestingly, the high-
est values of vin (∼0.6–0.8 km s−1) are not detected exactly to-
wards the column density maxima (indicated by N2H+ and mm-
continuum emission in the right panels of Fig. 15), but, instead,
show some significant spatial offsets ranging from 20′′ to 30′′
(i.e. of the order of 0.2 pc) in projection. In the center region
(DR21OH(M) and N40) and in the south of the filament (N38

and N48), high values of vin are mainly due to the increasing
optical depth τ of the HCO+ line since the infall velocity is de-
termined by the ratio TBD/TRD (Eq. (1)), which increases with
τ. In the north, higher values of vin are offset by ∼20′′ to the
dense clump containing N51 to N54 and are mainly related to
the larger linewidths of the N2H+ line (see Fig. 18, showing the
same increase in linewidth for H13CO+ displaced with respect to
the dense clump).

Please note that this behaviour does not involve a gradual
increase in infall speed since we only determine the infall veloc-
ity at each point of the map assuming local infall at each point.
From this figure, we can not extract the radial profile of the in-
fall speed within the whole filament. For that, we need a more
realistic radiative transfer model, by considering the density and
temperature structure in the dense clumps of the filament as we
present in the next section.

5.3. Radiative transport modelling with Simline

We used the 1D non-LTE radiative transfer code Simline
(Ossenkopf et al. 2001) to simultaneously model the observed
optically thin H13CO+ and optically thick HCO+ lines of the two
clumps indicated on the right panel of Fig. 15. These were ex-
tracted from the mm-continuum survey obtained by Motte et al.
(2007) and characterize well the two major regions of infall. The
southern Clump-14 is associated with DR21(OH) and contains
the cores N36, N38, N41, N44, and N48. In the northern part of
the filament, Clump-16 contains the cores N37, N43, N51, N53,
and N54. The advantage of using mm-continuum data is that we
have a rather reliable mass estimate that can be used as input to
the model. Our ultimate goal is to derive the infall velocity and
the level of depletion by constraining a simple physical model
for these clumps.

5.3.1. Input parameters and assumptions

For both clumps, we used the Gaussian parameters (flux and
FWHM) determined by Motte et al. (2007) and assumed the
more realistic ρ(r) ∝ r−2 density profile to estimate the 90%
mass and corresponding radius. We also recalculated the mass
down to the level of 10% of the peak contour Clump-16 taking
a mass-averaged temperature of 20 K (rather than the median
temperature of Cygnus X clumps, 15 K, used by Motte et al.
2007), which is in closer agreement with NH3 measurements
of this clump (Wienen 2008). The model self-consistently takes
the mass corresponding to the mass-averaged temperature with
a profile T (r) = Tin(r/rin)β, where β is between –0.2 and –0.6
(Tin and rin are the temperature and radius of the inner layer, see
below). We adapted a two-layer geometry for the model since
runs with only one layer did not reproduce well the observed
line profiles, a result similar to that of Jakob et al. (2007) who
equally applied a two-layer model for their low-angular reso-
lution mid-J CO and atomic CI lines. However, they modeled
their observations without considering molecular depletion and
no or only very low infall speeds. We applied a subthermal ex-
ternal layer at constant temperature with an average density of
n ∼ 103−104 cm−3 because the self-absorption dip is very deep.

For the determination of the turbulent line-width, we used
the optically thin line of H13CO+. A single Gaussian fit yielded
line-widths of ∼2.5 ± 0.5 km s−1 for Clump-14 and ∼1.5 ±
0.5 km s−1 for Clump-16, respectively. This line-width is a result
of thermal width, internal turbulence, and possible infall. Since
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Mass: 15210 M¤   Length: 4.3 pc 
NH: 4.2 x 1023 cm-2   Width: 0.24 pc 

nH: 105 cm-3 



Massive Cores in the DR21 
Filament

F. Motte et al.: High-mass star formation in the Cygnus X complex 1249

Fig. 3. MAMBO maps of CygX-North (left: gray-scale and contours, right: contours overlaid on 8 µm images obtained by MSX and converted
to Jy sr−1) extracted from Fig. 2a. Regions shown are west of DR21 a), around DR21 b) and DR22 c). The 1.2 mm and 8 µm images have 11′′
and 20′′ angular resolutions, respectively. The compact cloud fragments discovered in MAMBO images (see Table 1) are labeled and marked
by crosses in the gray-scale plot. The infrared sources which coincide with a MAMBO cloud fragment are also indicated. Contour levels are
logarithmic and go from 40 to 800 mJy beam−1 in a) and c), and from 40 to 4800 mJy beam−1 in b).

Motte et al. 2007

A. Duarte-Cabral et al.: CO outflows from high-mass Class 0 protostars in Cygnus-X

Fig. 2. PdBI 1.2 mm continuum emission in colour scale, overplotted with the blue and red contours from the CO emission of N3 (top-left), N12
(top-right), N40 (middle-left), N48 (middle-right), N53 (bottom-left), N63 (bottom-right). The beam sizes are represented in the lower-left corner
of each panel. The 9 high-mass cores identified in Bontemps et al. (2010) are marked as green stars, and the possible low mass fragments identified
are marked as green crosses. The sources discussed here are labelled. The arrows show the directions of the outflows identified in this paper, for
which we estimated the energetics.

description of the outflows and their driving sources is described
in the next section.

4.4. Detailed outflow identification

In CygX-N3, MM1 powers a collimated bipolar outflow, per-
pendicular to the filamentary shape of the continuum. The blue
lobe reaches the edges of our image coverage (to the east), and

the red is embedded in a more di↵use extended emission to the
west. MM2 shows overlapping blue and red weak emission to-
wards the south, which is indicative of an outflow close to the
plane of the sky. No clear outflow emission is detected from the
other weaker sources.

In CygX-N12, the identification of the outflows is com-
plicated by the apparent alignment of the outflows with the
dust continuum filament. We consider that the detected outflow
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4.4. Detailed outflow identification

In CygX-N3, MM1 powers a collimated bipolar outflow, per-
pendicular to the filamentary shape of the continuum. The blue
lobe reaches the edges of our image coverage (to the east), and

the red is embedded in a more di↵use extended emission to the
west. MM2 shows overlapping blue and red weak emission to-
wards the south, which is indicative of an outflow close to the
plane of the sky. No clear outflow emission is detected from the
other weaker sources.

In CygX-N12, the identification of the outflows is com-
plicated by the apparent alignment of the outflows with the
dust continuum filament. We consider that the detected outflow
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S. Bontemps et al.: Fragmentation in the massive dense cores of Cygnus X

Fig. 3. Same as Fig. 2 for the three MDCs located in the filament of DR21 (see text). Note that in contrast to the isolated MDCs (Fig. 2), the cores
show here diverse structures. CygX-N40 appears devoid of compact emission at both 3.5 and 1.3 mm. CygX-N48 has a complex and extended
structure at 3.5 mm with two main cores in the central regions. The 1.3 mm emission resolves a few, probable compact, fragments in the two main
cores. CygX-N53 has a bright central core at 3.5 mm that divides into 4 smaller fragments at 1.3 mm in a way similar to the isolated MDCs. The
bright peak at 3.5 mm in the south-east corresponds to the weak 1.3 mm source outside in the primary beam (dashed circle) in the right panel. It is
located at the edge of the nearby cluster associated with MSX6G81.7133+0.5589.

compact sources inside filamentary structures appear to be seen
at 3.5 mm. CygX-N3 and CygX-N12 are composed of three
to four aligned compact sources. CygX-N48 has an “S” shape
emission, which may also be a filamentary structure. CygX-N53
displays an almost north-south ridge of emission that is aligned
with the large-scale orientation of the DR21 filament in which it
is embedded. The direction of the axis between the two brightest
sources is however oriented east-west, almost perpendicular to
the main direction of the large-scale emission.

3.3. Source extraction at 1 mm

Our ultimate goal is to study the population of individual pro-
tostellar objects inside the MDCs of Cygnus X. We therefore
extract fragments from the highest spatial resolution data maps
(1 mm maps). To be systematic, we used the Gaussclump algo-
rithm (Stutzki & Guesten 1990) adapted to continuum maps as
described in Motte et al. (2007) to extract the compact sources.
Above a safe 7σ level, 24 sources have been detected in the
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Measurements of  Magnetic Fields 

�  DR21 Filament 
�  Blos: 0.7 mG 
�  Bpos: 0.62 mG 

No. 1, 2009 THE LEGACY OF SCUPOL 185

P1

P3

Figure 70. Compiled data toward the MSX cloud G079.3+0.3. Contours range from 0.5 Jy beam−1 in steps of 0.25 Jy beam−1. 850 µm polarization vectors are
sampled on a 10′′ grid. Vectors are plotted where I > 0, p/dp > 2, and dp < 4%.

DR 21(OH)

DR 21

Figure 71. Compiled data toward the high-mass star-forming filament DR 21. Contours range from 5 Jy beam−1 in steps of 2.5 Jy beam−1. 850 µm polarization
vectors are sampled on a 10′′ grid. Vectors are plotted where I > 0, p/dp > 2, and dp < 4%.

JCMT:  
Mathews et al. 2009

No. 2, 1999 CRUTCHER ET AL. L123

Fig. 1.—Averaged CN spectra for DR21OH. Top and middle: Averaged
I/2 and V spectra for the four Zeeman-sensitive hyperfine components. Bottom:
Averaged V spectrum for the three hyperfine components with weak Zeeman
sensitivity. The histogram plots show the data; the lines show the Gaussians
fitted to the I spectrum and dI/dn fitted to the V spectra.

Fig. 2.—As in Fig. 1, but for OMC1n

Their peak Blos is approximately equal to !0.45 mG at the
H ii/H2 interface, with mG at positions toward theB ≈ !0.1los
H ii region and away from the molecular cloud. Our M17
positions are at peaks in the M17SW molecular cloud near the
interface with the H ii region. The CN positions are just north
and south of where the VLA map shows the Blos measured in
H i, but the VLA map shows that mG in the regionB ≈ !0.2los
between the CN positions. Hence, the VLA H i and our CN
measurements are consistent and suggest that toB ≈ !0.2los
!0.4 mG in the M17SW molecular cloud. Brogan et al. (1999)
extensively discuss the magnetic field in M17, and our CN data
add little to their discussion except for providing a consistency
argument for the interpretation that the H i samples the mag-
netic field in the molecular cloud.
The two velocity components toward DR21OH are almost

cleanly separated in velocity. The velocities are VLSR ≈ !4.66
and !0.93 km s!1; these are labeled DR21OH1 and DR21OH2,
respectively. Blos was derived separately for the two components
as described above. These components correspond to two cores
within the single IRAM beamwhich were (marginally) resolved
by Owens Valley Radio Observatory synthesis mapping of the
C18O line (Padin et al. 1989); the C18O data were used to infer
the physical parameters listed in Table 2.
Toward OMC1 the CN emission does not peak at the OMC1

hot core, but at two locations just north and south of the core.
We observed both peaks; they are labeled OMC1n and OMC1s
in Table 1. The CN detection was toward the OMC1n position,
which is ≈24! north of the IRc2 position. The study of Rod-
rı́guez-Franco et al. (1992) of the molecular structure near
OMC1 identified a clump which corresponds to the CN position
and velocity. They refer to this clump as the 10 km s!1 cloud.
Physical parameters other than Blos were taken from their study.
These data may be used to compute standard parameters that

IRAM: 
 Crutcher et al. 1999

The Astrophysical Journal, 772:69 (15pp), 2013 July 20 Girart et al.

Figure 3. Contour map of the dust emission at 880 µm, overlapped with the gray-scale intensity of the dust linear polarized emission and the B segments. Bottom
panel: images with an angular resolution of ≃1.′′3 obtained using all the configurations (SCEV map as defined in Table 2). Top panel: images with an angular resolution
of ≃0.′′75 obtained using all the configurations but the subcompact one (CEV map as defined in Table 2). The red and blue segments show the magnetic field segments
with a significance level of !3σ and between 2.5σ and 3σ , respectively. The synthesized beam is shown in the bottom left corner of each panel. Contours in the two
panels are 5%, 10%, 17%, 27%, . . . , 97% of the peak; 0.85 and 0.29 Jy beam−1 for the 1.′′3 and 0.′′75 angular resolution maps, respectively.
(A color version of this figure is available in the online journal.)

5

SMA:  
Girart et al. 2013

•  DR21(OH) 
–  Blos:  0.4 mG 
–  Bpos:  2.1 mG (Girart et al. 2013); 

1.2 mG (Houde et al. 2016) 



SMA Polarization Observations

DR21(OH)

DR21(OH)-S

DR21(OH)-W

DR21(OH)-N

Source RA Dec Other Name

Cyg-‐N53	   20:39:2.96	   42:25:51	   DR21(OH)-‐N	  

Cyg-‐N51	   20:39:2.4	   42:24:59	   W75N-‐FIR2	  

Cyg-‐N43	   20:39:0.6	   42:24:35	   W75S-‐FIR1	  

Cyg-‐N44	   20:39:0.7	   42:22:46.7	   DR21(OH)	  

Cyg-‐N38	   20:38:59.1	   42:22:26	   DR21(OH)-‐W	  

Cyg-‐N48	   20:39:1.3	   42:22:4.9	   DR21(OH)-‐S	  

Arrays: Subcompact & Compact 
Band: 345 GHz 
Resolution: 3~4” (0.03 pc or 5000 AU)

Cyg-N53

Cyg-N51

Cyg-N43

Cyg-N44

Cyg-N38

Cyg-N48



Results
�  All segments show 

B-field direction 

�  Red & Yellow: JCMT 

�  Blue: SMA

– 29 –



– 32 –

Fig. 3.— JCMT and SMA combined 880 µm continuum maps of the Cyg-N43, Cyg-N51,

and Cyg-N53. The legends are the same as in Figure 2.

Combined JCMT and SMA 880 μm 
continuum maps  

�  Use FEATHER in casa and LINMOS in miriad 

�  Combine Stokes I maps, NOT combine Stokes Q and U maps 

�  Perform dendrograms to estimate core properties (Mass, Size, Density, P.A.) 
– 31 –

Fig. 2.— JCMT and SMA combined 880 µm continuum maps of the Cyg-N38, Cyg-N44, and

Cyg-N48. (a) The gray scale and the contours show the combined dust Stokes I emission.

The contours are plotted at 5%, 10%, 15%, 25%,..., 95% of the peak. The dotted circles

represent the SMA primary beams of the sources. The synthesized beam of the combined

map is plotted as a filled grey circle. The red, orange, and blue segments are the segments in

Figure 1 with equal length (please note that we do NOT combine the JCMT and SMA Stokes

Q and U maps). (b) The structures selected by the dendrogram overlaid on the JCMT and

SMA combined map. The contours show the cuto↵s of the structures, and the ellipses are

plotted using the major FWHM, minor FWHM, and ✓core computed by the dendrogram. For

each source, the red (or orange if S/N between 2–3) and blue segments show the orientations

of ✓JCMT and ✓SMA, respectively.



Analysis

�  Strong either-parallel-or-perpendicular alignment between 0.1 
pc core and 0.1 pc B-field, weak correlation between 0.1 pc 
core and 0.03 pc B-field 
�  small-scale B-field is less significant than large-scale B-field in 

core formation

Correlations between Core P.A. (0.1 pc core), JCMT pol (0.1 pc B-field), SMA pol (0.03 pc B-field)

– 34 –

Fig. 5.— Correlations between the position angles of ✓core, ✓JCMT , and ✓SMA. The widths

of the shadow zones are the means of the error bars in ✓JCMT and ✓SMA. In order to present

the correlation, some of the position angles are shifted by 180�.



�  Does the either-parallel-or-perpendicular alignment 
break at scales below 0.1 pc?

116   Protostars and Planets VI

with both surveys. Zooming in to the central 300-AU scale, 
Tomisaka (2011) sees toroidal fi elds. Because of this fi eld 
complexity at small scales due to outfl ows and disk rotation, 
B-fi eld directions on 1000-AU scales are not representative 
of core fi elds and thus cannot put constraints on whether 
cloud fi elds and disks should be aligned (e.g., Tomisaka, 
2011) or unaligned (e.g., Joos et al., 2012).

The morphology of gas density and B fi eld evident in 
Fig. 15 is suggestive of B fi elds guiding protostellar col-
lapse, just as was the hourglass B fi eld discovered earlier 
in the class 0 protobinary NGC 1333 IRAS 4A by Girart et 
al. (2006). However, we should not discount the possibility 

that feedback may infl uence the appearance of such maps. Is 
the fi eld controlling the collapse or vice versa? In the case 
of NGC 1333 IRAS 4A, the SHARP/CSO map of Attard et 
al. (2009) shows that B fi elds continue smoothly to larger 
scales (see the polarization vectors in Fig. 17), indicating 
that indeed they guide the collapse in this source. But for the 
Chapman et al. (2013) result of Fig. 15, data on larger scales 
have yet to be compiled. In this case, near-IR polarimetry 
(Clemens et al., 2007) may provide a way forward. In the 
longer run, large area submillimeter polarimetry from the 
stratosphere (Dowell et al., 2010; Pascale et al., 2012) will 
be combined with ALMA polarimetry to yield multi-scale 
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Fig. 15.  (a),(b) Simulations:  B-fi eld directions inferred from the polarization of thermal dust emission (Tomisaka, 2011) 
based on a MHD and radiation-transfer simulation. The simulation results in a disk perpendicular to the initial B fi eld, 
and bipolar outfl ows driven by magnetic pressure. The fi gure shows the projections along a line of sight 45° from the 
initial B-fi eld direction. The relative column density is shown by the white contours, and the dark vectors and contours 
show the fi eld directions and polarization degrees. (a) Shown here, on a scale comparable to Chapman et al. (2013), are 
fi eld directions roughly perpendicular to the pseudodisk. (b) Closeup of (a) showing the central 1000-AU region, which is 
comparable to Hull et al. (2013). The fi eld morphology on the 1000-AU scale starts to be affected by the disk rotation and 
can be oriented at any direction; i.e., the mean fi eld direction on this scale has nothing to do with the mean fi eld direc-
tion of the cloud core. (c) Observations at 10,000 AU:  Source-average observed B-fi eld directions (bars) superposed on 
model magnetic fi eld lines (solid lines) and gas density (light and dark shading), adapted from Chapman et al. (2013). The 
model is from Allen et al. (2003). The observed source-average B-fi eld map has a mean direction that is nearly vertical 
and shows hints of a pinch, in accordance with the model. (d) Observations at 1000 AU:  A B-fi eld survey from Hull et 
al. (2013) shows no correlation between the mean fi eld and the inferred disk orientation. A color version of this fi gure is 
available at http://arxiv.org/pdf/1404.2024v1.pdf.

The Astrophysical Journal, 792:116 (12pp), 2014 September 10 Zhang et al.

Figure 3. Difference between the major axis of the clump and dust polarization
at the core scale. When the angle difference is 0◦, the magnetic field is
perpendicular to the long axis of the clump. The dashed and dotted lines represent
the project angles of two randomly distributed vectors with an intersecting angle
from 0◦ to 40◦ and from 80◦ to 90◦, respectively. The dashed-dotted line is the
combination of the two distributions.

probability of angular distribution in Figure 2. Furthermore,
Figure 2 indicates that magnetic fields at the 0.03 pc scale
are correlated with the mean field orientation in their parental
clump. They are either aligned within 40◦ of the parsec-scale
field or perpendicular to the parsec-scale field.

We also examine how polarization at the 0.03 pc scale is
related to the major axis of the parsec-scale clump θclump(maj).
Sources G240, NGC 6334I/In/IV, G34.4, IRAS 18360 and
G35.2N, W51E2, W51N, and DR 21 (OH) are either part
of a large-scale filament, or exhibit a parsec-scale elongated
morphology. NGC 2264 C1 is excluded from the list despite
its elongated structure since its linear extent is 0.05 pc, much
smaller than a clump. However, including it in the analysis
would not change the outcome since it would contribute only
one data point to the statistics. For all these elongated objects,
except DR 21 (OH), we measure θclump(maj), the position angle
of the major axis of the clump, by fitting a two dimensional
elliptical Gaussian profile to the dust continuum emission from
the SMA. For DR 21 (OH) whose structure in the SMA map
does not have a well-defined elongation (Girart et al. 2013
suggests that the clump is nearly face-on), we use the larger
scale filament (Motte et al. 2007) to define its major axis. We
compare the position angle of the major axis of the clump
θclump(maj) with θSMA(pol). Figure 3 presents the distribution
of angular difference, |θclump(maj) − θSMA(pol)|, between the
filament’s major axis and the polarization from the SMA.
Similar to the previous case, we limit the angular difference
from 0◦ to 90◦. As shown in Figure 3, there is a large number
of segments with their polarization parallel to the major axis
of filaments. Of the 197 polarization segments, over 60% of
them are aligned with the major axis of the clump. There
appears to be another peak of polarization segments with angular
differences near 90◦. In between the two peaks, there is a lack of
polarization segments between the angular difference from 40◦

to 80◦. Overall, the angular difference of the segments appears
in a bimodal distribution: one group of polarization segments is
aligned with the major axis of their parental clump; the other
group of polarization segments is perpendicular to the major
axis of their parental clump.

Figure 4. Difference between the position angle of the outflow axis and magnetic
fields in the core where outflows originate. When the angle difference is 0◦, the
major axis of the outflow is aligned with the core magnetic field.

3.4. Comparison with Molecular Outflows

We further compare the outflow axis seen in the CO J =
3–2, θoutflow, obtained from the SMA with the position angle
of magnetic fields θSMA(B) at the origin of the outflow. Here
θSMA(B) is the field orientation measured within one SMA
synthesized beam. When the blue- and redshifted lobes form
an apparent bipolar outflow, only one position angle is reported.
In cases of unipolar outflows, we measure the position angle
from the single outflow lobe. A total of 21 outflows is revealed
in the sample. Figure 4 presents the angular difference between
the outflow axis and the position angle of the magnetic fields
|θoutflow−θSMA(B)|. Due to a lack of information on the direction
of the magnetic field, we limit the angular difference from 0◦

to 90◦. A 0◦ difference corresponds to the outflow axis being
in parallel to the major axis of the outflow. Because of the
small number of outflows in the statistics, we refrain from
interpreting the detailed structure in the distribution. Overall,
there appears to be no strong correlation between the outflow
axis and the magnetic field orientation in the core from which
outflows originate.

4. DISCUSSION

4.1. Effect of Geometric Projection and Statistical Analysis

Before we interpret the results in Figures 2–4, we investigate
the projection effect of two vectors in a three-dimensional space
intersecting at an angle α. We pose the following question:
when the two vectors are randomly oriented in space, what is
its projected angle β onto a plane? This question is relevant
to the study here since the observations only provide the
polarization component projected onto the plane of the sky
without information along the line of sight (see also Tassis et al.
2009; Hull et al. 2013). For the majority of the vectors oriented
within the 2π solid angle, one expects that the projected angle β
will be smaller than α. However, certain orientations of vectors
can render β greater than α. For example, if two vectors intersect
at the origin of an XYZ Cartesian coordinate system, with one
line being in the XZ plane, and the other line lying in the YZ
plane, the angle α can vary from 0◦ to 90◦, while the projected
angle β on to the XY plane is always 90◦.

In order to simulate the projection effect, we consider a
pair of randomly oriented vectors uniformly distributed in a
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Low-mass protostars 
Outflow and B-field alignment 
Hull et al. 2013

High-mass protostars 
Outflow and B-field alignment 
Zhang et al. 2014



�  Angular dispersion functions of  the massive cores 
�  The functions close to random field 

�  strong turbulent component in the B-field 
�  Bpos (mG) 

�  Cyg-N38: 0.56 ± 0.19  
�  Cyg-N43: 0.42 ± 0.41 
�  Cyg-N44: 1.71 ± 0.55 
�  Cyg-N48: 0.48 ± 0.10 
�  Cyg-N51: 0.46 ± 0.08 
�  DR21 filament: ~ 0.62 (Girart et al. 2013) 
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data point
best fitlarge-scale B-field

small-scale B-fieldbeam residual



�  Total B-field strength v.s. nH2 
�  Cyg-N44 and DR21 filament: combine Blos from Zeeman observations 

and Bpos in our work 
�  Other sources: assume                           , uncertainty about 50%  

�  Slope = 0.54 ± 0.30

– 37 –

Fig. 7.— Total magnetic field strength plotted against volume density. The red circles and

red square denote the massive cores and the DR21 filament in this work, respectively. The

triangles denote the Zeeman measurements in Crutcher et al. (2010) assuming the most

probable value of Btotal =
p
3Blos in statistics. The dotted line represents the model of

Btotal / n0.65 proposed in Crutcher et al. (2010) along with its uncertainty shown as the

shadow zone. The solid line represents the single power-law fit of the massive cores in the

DR21 filament.
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�  B ~ nH
k 

�  k = 2/3 for weak magnetic field models (flux conservation)  
�  k = 0.4-0.5 for strong magnetic field models (ambipolar diffusion)

�  k = 0.65 ± 0.05 (Crutcher et al. 2010) 

�  k = 0.41 ± 0.04 in NGC 6334 (Li et al. 2015)

Li et al. 2015



�  Parameters for evaluating the effects of  turbulence, magnetic 
fields, and self-gravity  
�  sonic Mach number (ms), Alfven Mach number (mA), ratio of  

thermal to magnetic pressure (β) 
�  cores: ms > mA > 1 > β, turbulence dominant 
�  filament: ms > 1 > mA > β, B-field dominant 

�  Mass-to-flux ratio (M/ΦB) ≥ 1, B-field cannot support self-gravity 
�  Virial parameters 

�  cores: T(turbulence) > M (B-field) > W (gravity) 
�  filament: W > M > T  
�  Expanding core in contracting filament? 

�  Not consider surface terms, e.x. cloud colliding 
�  refill turbulence from internal origin, e.x. outflows 
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Table 4. Angular Dispersion Function Fit Parameters

Source
�

hB2
t i/hB2

0i
a02

N
�Vlsr B0 Btotal

(mpc) (10�3 arcsec�2) (km s�1) (mG) (mG)

Cyg-N38 26 ± 12 3.8 ± 2.4 -1.9 ± 1.6 4.7 ± 0.1 1.5 ± 0.2 0.56 ± 0.19 ⇠ 0.69

Cyg-N43 26 ± 31 2.8 ± 5.3 2.5 ± 6.6 4.5 ± 0.3 1.6 ± 0.3 0.42 ± 0.41 ⇠ 0.51

Cyg-N44 22 ± 5 2.0 ± 0.2 0.8 ± 0.4 5.2 ± 0.6 2.2 ± 0.7 1.71 ± 0.55 ⇠ 1.75

Cyg-N48 15 ± 3 4.5 ± 1.2 0.1 ± 0.4 7.4 ± 2.2 1.2 ± 0.2 0.48 ± 0.10 ⇠ 0.59

Cyg-N51 22 ± 6 2.9 ± 0.6 0.1 ± 0.7 5.7 ± 0.6 1.6 ± 0.2 0.46 ± 0.08 ⇠ 0.56

DR21 Filamenta 151 ± 21 ⇠ 0.16 – ⇠ 1 ⇠ 0.8 ⇠ 0.62 ⇠ 0.94

a Values in Girart et al. 2013

Table 5. Comparison of the Turbulent, Magnetic, and Gravitational Energies

Source
cs �v VA

ms mA �
M/�B

| TW | |MW | | 2T +M
W |

(km s�1) (km s�1) (km s�1) (1/2⇡
p
G)

Cyg-N38 0.34 1.5 0.9 7.5 2.7 0.27 2.4 1.4 0.19 3.0

Cyg-N43 0.34 1.6 1.2 8.0 2.4 0.18 1.0 5.7 0.99 12.4

Cyg-N44 0.42 2.2 1.6 9.0 2.4 0.14 2.3 1.2 0.20 2.6

Cyg-N48 0.34 1.2 0.7 6.0 3.0 0.50 4.3 0.6 0.06 1.3

Cyg-N51 0.34 1.6 1.1 8.0 2.4 0.18 1.6 2.5 0.42 5.4

DR21 Filament 0.30a 0.8 3.0b 4.6 0.5 0.02 3.4c 0.04 0.28 0.36

a Assume 15 K from the dust temperature map of Hennemann et al. (2012)

b Adopt nH2 = 2⇥ 105cm�3 (Girart et al. 2013)

c Adopt NH2 = 41.6⇥ 1022cm�2 (Hennemann et al. 2012)



Conclusions
�  Highly turbulent cores 

�  scattered SMA polarization segments 
�  the analysis of  angular dispersion function is similar to random B-

fields 
�  weak correlation between with the core and B-field orientation 
�  Bpos = 0.4—1.7 mG 
�  B ~ nH

0.54 

�  ms > mA > 1 > β, turbulence dominant 
�  T(turbulence) > M (B-field) > W (gravity) 

�  Highly magnetized filament 
�  ordered JCMT polarization segments, B-field perpendicular to the 

filament 
�  either-parallel-or-perpendicular alignment between core and B-field  
�  ms > 1 > mA > β, B-field dominant 
�  W (gravity) > M (B-field) T(turbulence) 
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Table 1: SMA o↵-axis polarization measurements of 3C279

Position
Stokes Values (Jy/beam)

Pol (%) PA (�)
Residual Polarization

I Q U �Pol (%) �PA (�)
1 10.27 -0.059 -0.434 4.26 ± 0.08 138.9 ± 0.5 – –
2 8.18 0.001 -0.373 4.56 ± 0.10 135.0 ± 0.6 0.30 ± 0.13 -3.9 ± 0.8
3 6.20 0.003 -0.277 4.47 ± 0.13 134.7 ± 0.8 0.21 ± 0.15 -4.2 ± 1.0
4 4.38 -0.033 -0.226 5.20 ± 0.18 139.2 ± 1.0 0.94 ± 0.20 0.3 ± 1.1
5 8.37 -0.062 -0.337 4.09 ± 0.10 140.2 ± 0.7 -0.17 ± 0.13 1.3 ± 0.8
6 9.14 -0.100 -0.380 4.30 ± 0.09 142.4 ± 0.6 0.04 ± 0.12 3.5 ± 0.8
7 9.98 -0.086 -0.471 4.79 ± 0.08 140.1 ± 0.5 0.53 ± 0.11 1.2 ± 0.7
8 8.45 -0.050 -0.376 4.49 ± 0.09 138.8 ± 0.6 0.23 ± 0.12 -0.2 ± 0.8

(a) model (zoom-in)

(b) model (d) Simulated JCMT+SMA

(c) Simulated SMA mosaic

Figure 1: (a) & (b): Model im-
ages computed from our MHD sim-
ulations of the collapse of a tur-
bulent, magnetized, rotating core.
Panel (a) is a zoom-in image of panel
(b). (c) Simulated SMA mosaic im-
age. (d) Simulated combined image
of JCMT and SMA mosaic obser-
vations. Color scale presents the
Stokes I intensity. Orange segments
denote the magnetic field orienta-
tions inferred from the polarization
orientation. White circles show the
SMA primary beams in a 7-pointing
mosaic.
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Figure 2: Polarization map of 3C279 at di↵erent positions in the SMA primary
beam. The blue and red bars show the center (on-axis) and o↵-axis polarizations
of 3C279 (see Table 1 for detail). To show the di↵erence between the on-axis
and o↵-axis polarizations, we overlap the blue bar onto the o↵-axis red bars.
The solid-line circle shows the SMA 32” primary beam at 870 µm. The gray
dots represent the proposed 18 o↵-axis positions, which are designed to cover
the primary beam uniformly.

References: • Ching et al. 2016, ApJ accepted • Chrysostomou et al. 2002,
A&A, 385, 1014 • Crutcher, 2012, ARA&A, 50, 29 • Girart et al. 2013, ApJ,
772, 69 • Houde et al. 2009, ApJ, 706, 1504 • Hull et al. 2014, ApJS, 213, 13 •
Lai et al. 2001, ApJ, 561, 864 • Mckee & Ostriker 2007, ARA&A, 45, 565 • Rao
et al. 1998, ApJ, 502, 75 • Tang et al. 2009, ApJ, 700, 251 • Tang et al. 2010,
ApJ, 717, 1262 • Tang et al. 2013, ApJ, 763, 135 • Zapata et al. 2009, ApJ, 704,
45 •

Figure 3: SMA polarization maps
of DR21(OH) and IRAS4A. The
polarization detections (segments),
synthesized beams (ellipses), and
FOVs (dotted arcs) of the two point-
ings are shown in blue and red color,
respectively. All the polarization de-
tections have S/N higher than 3�.
Left: DR21(OH), the polarization
can even be detected at ⇠10” out-
side of the primary beam; Right:
IRAS4A and the combined map (us-
ing LINMOS in MIRIAD) is shown
in gray color (contours, segments,
and beam). The black and gray con-
tours are plotted at the same inten-
sity levels.

1016 A. Chrysostomou et al.: The magnetic field structure in W51A

Fig. 1. SCUBA polarimetry of the W51A region. The intensity image is taken from our data and is plotted on a linear scale.
The source to the east of the field is the submillimetre core associated with W51e1 and e2, and the source to the west is W51d.
The polarisation vectors have been rotated by 90� and plotted such that their position angles delineate the direction of the
magnetic field averaged along the column and projected onto the plane of the sky. The white dots represent the positions of the
brightest Hii regions in the field (see Table 1). They are, from right-to-left: W51d (IRS2), W51e (IRS1), W51e1 and W51e2 (e1
is south of e2). Right ascension and Declination are at epoch 2000.

Table 1. Brightest Hii regions and their positions in the W51A
cloud. Positions obtained from the SIMBAD database.

Object RA (J2000) Dec. (J2000)
W51d (IRS2) 19 23 39.9 +14 31 08
W51e (IRS1) 19 23 41.9 +14 30 36
W51e1 19 23 43.8 +14 30 25.9
W51e2 19 23 43.9 +14 30 34.8

3. Results and discussion

3.1. Submillimetre polarimetry

The final results are tabulated in Table 2 and shown in
Fig. 1. The greyscale shows the submillimetre emission
which is dominated by two bright sources. To the east
is the core which was mapped by Ja↵e et al. (1984) at
400 µm and is associated with the W51e1 and e2 com-
pact Hii regions (Mehringer 1994). The submillimetre core
to the north-west is associated with the W51d Hii re-
gion and with the IR source IRS2 (Goldader & Wynn-
Williams 1994). Both cores are known sites of maser activ-
ity (Genzel & Downes 1977). Fainter and more extended
emission is also seen, occupying the region between the
two cores, and an extended arm of emission is seen to
reach out to the south-west from IRS2.

Figure 1 shows polarisation vectors overlaid onto the
submillimetre emission. These vectors have been rotated
by 90� to depict the column-averaged direction of the mag-
netic field projected onto the plane of the sky. This field
direction towards the W51e1/e2 core is at a position an-
gle of ⇠100–110�, consistent with recent interferometer
polarimetry at 1.3 mm with BIMA (Lai et al. 2001). In
an atlas of mid-infrared spectropolarimetry of young stel-
lar objects, Smith et al. (2000) observed W51d(IRS2) and
deconvolved emissive and absorptive components to the
spectropolarimetry. The emissive (E-vector) component
was at 36� ± 3� implying a field direction in the hotter
regions at or near the Hii region (there is a clear [NeII]
line in the spectrum) where the 10 µm emission peaks
of 126�. The absorptive component of the E-vector, and
therefore equivalent to the B-vector, is at a position angle
of 136�, a di↵erence of ⇠40� when compared to our mea-
surement of ⇠0�. Being absorptive, the dust responsible
for the mid-infrared polarisation is also probably largely
responsible for the submillimetre emission. This di↵erence
in the inferred magnetic field directions is most likely due
to structure in the magnetic field being sampled to di↵er-
ent optical depths at the two wavelengths (and the di↵er-
ent beam sizes to some extent).

Scatter plots of the polarisation data (Fig. 2) show
that the degree of polarisation has a maximum of ⇠5%

W51$North

W51$e2/e8

W51$e2/e8 W51$North

Figure 4: W51 polarization maps. Left: JCMT polarization map (Chrysostomou et al. 2002). The red circles mark the
regions of the proposed observations. The green circles denote the 2D-Gaussian fitted FWHM of the sources. Middle &
Right: SMA single-pointing and JCMT combined image of W51 e2/e8 and North. Black and blue contours show the total
intensity detected by the combined data and the SMA data, respectively. Orange and green segments denote the magnetic field
orientations derived from the combined data and the JCMT data, respectively. The red circle denotes the single pointing FOV
of the SMA. The proposed mosaic observations will cover emission outside the red circle.
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Figure 19. Orion-KL. Same as above. (b) σI = 211.0 mJy beam−1. The full-
width half-maximum of the seven mosaic pointings are plotted as gray, dotted
circles. Their diameters (∼44′′) reflect the average primary beam size of the 6
and 10 m telescopes. There is no (a) plot because there were no spectral-line
data to plot.

(A color version of this figure and associated FITS images and machine-readable
tables are available in the online journal.)

et al. 1997b; Lis et al. 1998). More recent studies have modeled
several of its embedded sources as infalling protostars, young
stars with disks, and binaries comprising both types of objects
(Adams et al. 2012). More specifically, although OMC2-FIR4 is
well-modeled as a Class 0 protostar of approximately 50 L⊙ and
10−4M⊙ yr−1 mass infall rate (Adams et al. 2012), recent high
resolution measurements have resolved three spatially distinct
sources in its core (López-Sepulcre et al. 2013).

The polarization of the OMC2 region and the FIR3 and 4
sources was first investigated at 350 µm by Houde et al. (2004)
with Hertz at the CSO (see also Dotson et al. 2010). This region
is characterized by extremely low polarization levels as well
as a strong depolarization with increasing total intensity. For
example, OMC2-FIR4 was found to have a mean polarization of
0.35% ± 0.08% within region of approximately ±0.′3 from its

peak (200 Jy within a beam of 20′′ full-width-half-maximum at
350 µm), making it one of the most weakly polarized molecular
cloud complexes ever observed at that wavelength. Although
higher polarization was measured at 850 µm, the relatively low
polarization as compared with other sources within the integral-
shaped filament was confirmed by Matthews et al. (2009) and
Poidevin et al. (2010). OMC2-FIR4 was also observed to be a
region of transition in the orientation of the polarization. The
mean polarization angle goes from ∼115◦ south of it to ∼175◦

to the north at OMC2-FIR3, where the polarization angle is
relatively well-aligned with the filament. This transition region
is almost coincident with a location of intense outflow activity
reported by Williams et al. (2003).

The aforementioned low levels of polarization obtained with
single-dish measurements are in contrast with the results shown
in Table 1 and Figure 21, where mean polarization fractions
of ∼6%–8% are detected with CARMA, making FIR 3 and 4
two of the most polarized sources in our sample. This may be
reconciled by the fact that the magnetic field, as measured at
small scales with CARMA, significantly changes its orientation
within just a few arcseconds toward the center of the map (i.e., at
OMC2-FIR4). The change of nearly 90◦ observed could account
for the exceedingly low polarization observed with Hertz, if the
data were combined within a single Hertz beam (see Figure 21
for maps).

B.19. CB 54

CB 54 (LBN1042; Lynds 1965; Clemens & Barvainis 1988)
is a Bok globule at a distance of 1.1 kpc (Henning et al.
2001, and references therein). (Sub)millimeter and mid-infrared
observations reveal two Class I YSOs coincident with source
IRAS 07020−1618, with strong dust continuum emission and
one or two bipolar outflows (Yun & Clemens 1994; Zhou
et al. 1996; Ciardi & Gómez Martı́n 2007; de Gregorio-
Monsalvo et al. 2009; Launhardt et al. 2010). SCUBA 850 µm
measurements show weak polarization across the continuum
source, with changing orientation and increased strength in
the envelope (Henning et al. 2001; Matthews et al. 2009; see
Figure 22 for maps).

B.20. VLA 1623

VLA 1623 is the prototypical Class 0 source, discovered by
Andre et al. (1993). It is located in the southern edge of the
Ophiuchus A cloud at a distance of 125 pc (Loinard et al. 2008).
It has a highly collimated outflow, as is typical of Class 0 sources,
and this outflow extends over a large distance at a common P.A.
(Andre et al. 1990). The polarization toward VLA 1623 was
measured by Holland et al. (1996) using the single bolometer
UKT14, and the B-field was found to be perpendicular to the
CO outflow. Holland et al. (1996) note that this alignment of
the field implies that the large-scale field in the cloud cannot
therefore collimate the outflow. The single dish polarization data
from SCUBA (Matthews et al. 2009) and Hertz (Dotson et al.
2010) are consistent with this early picture, as are the CARMA
data, which show that the central region has a preferred B-field
orientation orthogonal to the outflow. This central region may be
a flattened pseudo-disk, as discussed for other Class 0 sources
by Davidson et al. (2011). The orientation of the field is aligned
along the major axis of this pseudo-disk and orthogonal to the
outflow, and even follows the emission extension to the NE.
While the field orientation on small scales might alone suggest
a toroidal field component, we note that in fact the CARMA
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Figure 3. (a) Polarization maps at 3 mm (black segments) and 1 mm (blue segments) obtained with BIMA (Rao et al. 1998) and at 870 µm (red segments; the same as in
Figure 2(c)) obtained with the SMA. The black contours are the 3 mm continuum emission strength at 3, 6, 9, . . . , 33, 36, 39 × 0.01 Jy beam−1. The 1 mm continuum
emission is shown in grayscale. The sizes of the synthesized beams are plotted in the lower-left corner in the corresponding color as indicated in the upper-right corner.
The length of the indicated segments in these three wavelengths represents the polarization percentage of 8%. The large circle in red dots marks the field of view of the
SMA. All the other symbols are the same as in Figure 1(a). (b) 870 µm dust continuum (grayscale) of the combined tracks with natural weighting and CO outflows
in blue and red contours by Zapata et al. (2009). The contours start from 8 and step in 24 Jy beam−1 km −1. The black dash square marks the presented region in
panel (a).

the gas-to-dust ratio is significantly higher than 100, or the
NH3 clumps are not in virial equilibrium. Based on the same
assumptions, Mgas in the compact dust ridge and the NW clump
are both in the range 0.6–4 M⊙. Note that the elongation of the
main dust ridge is perpendicular to the 0.5 pc B field direction
in the OMC-1 dust ridge as traced by Schleuning (1998) at a
wavelength of 100 µm.

3.2. Polarization

The linearly polarized emission (Ip) is detected and resolved
in the main dust ridge and in the southwest clumps (color scale
in Figure 2), and it is barely detected in the northwest clump.
Near IRc2 to the west of the main dust ridge, there is weak
or no Ip detected (Figure 2(b)). Ip is brightest in the south of
SMA 1.

The detected polarization exhibits significant deviations in
P.A.s between clumps. Among these, the polarization vectors
extending from source I toward the south have very different
P.A.s from the larger scale polarization direction at a mean P.A.
of 26◦ detected at a 0.5 pc scale (Vallée & Fiege 2007). The
rest of the vectors in the main dust ridge are consistent with
the larger scale polarization direction, indicating that the B field
is retained mainly on a larger scale but not in the cores. With
the combined data from the compact and subcompact arrays,
the polarization from the extended structures is better detected
(Figure 2(c)). The polarization in the northwest clump and in
between the three clumps is detected. Extending from the north-
west clump toward infrared source n and then toward the hot
core, the polarization direction appears to vary continuously and
smoothly. The polarization direction in the northwest clump, in
the west, and east of the main dust ridge is nearly parallel to

the field direction at the 0.5 pc scale. The most striking fea-
ture revealed with the 870 µm polarization data is that the P.A.s
vary smoothly and substantially across the main dust ridge,
from a P.A. of 10◦ in the northeast to a P.A. of 100◦ in the
south. With higher weighting toward more extended structures
(Figure 2(c)), the variation of polarization appears to be contin-
uous to the northwest clump and to the compact ridge.

3.3. Comparison of Polarization at 3 mm, 1.3 mm, and 0.87 mm

With BIMA, Rao et al. (1998) measured the polarized
emission at 3 mm and 1.3 mm with an angular resolution of
∼4′′ (Figure 3). The polarization at 3 mm and 1.3 mm extends
along the major axis of the OMC-1 dust ridge, where the P.A.s
are consistent with the 0.5 pc scale polarization direction. Apart
from the components along the dust ridge, there is one peculiar
extension detected at 3 mm from the main dust ridge toward
the southeast, where the direction of polarization (with P.A. of
∼70◦–∼100◦) is very different from the ones at other positions
(with P.A. of ∼30◦, roughly parallel to the 0.5 pc polarization).
Note that in Rao et al. (1998), the polarized emission at 3 mm
seems to have a more extended structure as compared to the
1.3 mm map. This is most likely due to the differences in
sensitivities at these two wavelengths.

With the higher angular resolution of the SMA, the polar-
izations north of source I and near IRc5 are clearly detected.
Previous BIMA maps appear to be depolarized here. At these
two locations, the P.A.s appear to vary significantly within the
dust ridge. We have tested the effects of differences in resolution
by convolving our CLEANed images of Stokes I, Q, and U maps
with θsyn of the BIMA measurements at 3 mm. Most polariza-
tion vectors disappeared near IRc5 and north of source I. The

Figure 5: Left: Orion polarization maps at 3 mm (black segments) and 1 mm (blue segments) obtained with BIMA (Rao
et al. 1998) and at 870 µm (red segments) obtained with the SMA. The large circles mark the region of 3-pointing mosaic.
Middle: 870 µm dust continuum (gray scale) and CO outflows in blue and red contours in Zapata et al. (2009). The black
dash square marks the presented region in the left panel. Right: The CARMA 1.3 mm mosaic map (Hull et al. 2014).

1016 A. Chrysostomou et al.: The magnetic field structure in W51A

Fig. 1. SCUBA polarimetry of the W51A region. The intensity image is taken from our data and is plotted on a linear scale.
The source to the east of the field is the submillimetre core associated with W51e1 and e2, and the source to the west is W51d.
The polarisation vectors have been rotated by 90� and plotted such that their position angles delineate the direction of the
magnetic field averaged along the column and projected onto the plane of the sky. The white dots represent the positions of the
brightest Hii regions in the field (see Table 1). They are, from right-to-left: W51d (IRS2), W51e (IRS1), W51e1 and W51e2 (e1
is south of e2). Right ascension and Declination are at epoch 2000.

Table 1. Brightest Hii regions and their positions in the W51A
cloud. Positions obtained from the SIMBAD database.

Object RA (J2000) Dec. (J2000)
W51d (IRS2) 19 23 39.9 +14 31 08
W51e (IRS1) 19 23 41.9 +14 30 36
W51e1 19 23 43.8 +14 30 25.9
W51e2 19 23 43.9 +14 30 34.8

3. Results and discussion

3.1. Submillimetre polarimetry

The final results are tabulated in Table 2 and shown in
Fig. 1. The greyscale shows the submillimetre emission
which is dominated by two bright sources. To the east
is the core which was mapped by Ja↵e et al. (1984) at
400 µm and is associated with the W51e1 and e2 com-
pact Hii regions (Mehringer 1994). The submillimetre core
to the north-west is associated with the W51d Hii re-
gion and with the IR source IRS2 (Goldader & Wynn-
Williams 1994). Both cores are known sites of maser activ-
ity (Genzel & Downes 1977). Fainter and more extended
emission is also seen, occupying the region between the
two cores, and an extended arm of emission is seen to
reach out to the south-west from IRS2.

Figure 1 shows polarisation vectors overlaid onto the
submillimetre emission. These vectors have been rotated
by 90� to depict the column-averaged direction of the mag-
netic field projected onto the plane of the sky. This field
direction towards the W51e1/e2 core is at a position an-
gle of ⇠100–110�, consistent with recent interferometer
polarimetry at 1.3 mm with BIMA (Lai et al. 2001). In
an atlas of mid-infrared spectropolarimetry of young stel-
lar objects, Smith et al. (2000) observed W51d(IRS2) and
deconvolved emissive and absorptive components to the
spectropolarimetry. The emissive (E-vector) component
was at 36� ± 3� implying a field direction in the hotter
regions at or near the Hii region (there is a clear [NeII]
line in the spectrum) where the 10 µm emission peaks
of 126�. The absorptive component of the E-vector, and
therefore equivalent to the B-vector, is at a position angle
of 136�, a di↵erence of ⇠40� when compared to our mea-
surement of ⇠0�. Being absorptive, the dust responsible
for the mid-infrared polarisation is also probably largely
responsible for the submillimetre emission. This di↵erence
in the inferred magnetic field directions is most likely due
to structure in the magnetic field being sampled to di↵er-
ent optical depths at the two wavelengths (and the di↵er-
ent beam sizes to some extent).

Scatter plots of the polarisation data (Fig. 2) show
that the degree of polarisation has a maximum of ⇠5%

W51$North

W51$e2/e8

W51$e2/e8 W51$North

Figure 3: W51 polarization maps. Left: JCMT polarization map (Chrysostomou et al. 2002). The red
circles mark the regions of the proposed observations. The green circles denote the 2D-Gaussian fitted
FWHM of the sources. Middle & Right: SMA single-pointing and JCMT combined image of W51 e2/e8
and North. Black and blue contours show the total intensity detected by the combined data and the SMA
data, respectively. Orange and green segments denote the magnetic field orientations derived from the
combined data and the JCMT data, respectively. The red circle denotes the single pointing FOV of the
SMA. The proposed mosaic observations will cover emission outside the red circle.

Figure 4: Left: Orion polarization map (SCUBA POL2 commissioning data), revealing an hourglass B-field
perpendicular to the 0.5 pc dust ridge. Middle: BIMA polarization map (Rao et al. 1998) overlaid with
the CO 3–2 outflows (Zapata et al. 2009). The circles mark the proposed 12-pointings polarization mosaic
observations. Right: SMA single-pointing polarization map (Tang et al. 2010). The concentrically centered
polarization segments (red and blue segments) reveal a radial-like structure of the B-fields. The axis of
the radial B-fields is parallel to the axis of the hourglass B-fields of the 0.5 pc dust ridge, suggesting the
scenario (a) in Fig. 5. On the other hand, the radial B-fields point toward 2.5” west to the center of the
outflows, suggesting the scenario (b) in Fig. 5.
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(a)

remnant pseudodisk

toroidal field

poloidal field

0.5 pc dust ridge

(b) poloidal field

0.5 pc dust ridge

Explosive outflow

Field lines aligned 
with explosive outflows

Figure 7. Schematics of two possible interpretations. (a) B field lines in the pseudo-disk are nearly toroidal due to the differential rotation of the magnetized disk. (b)
B field lines are dragged along with the explosive molecular outflow. See Section 4.3 for more discussions.
(A color version of this figure is available in the online journal.)

mainly pulled by the contraction process and the accretion rate
is high enough to overcome the sustaining B field tension. In this
scenario, the toroidal field structure seen near IRc2 is organized
by the contraction process and therefore possibly exhibits an
incomplete hourglass structure.

We also note that an accreting disk for source I has been
proposed (Reid et al. 2007; Matthews et al. 2010), which is
the most convincing disk near an intermediate mass protostar.
The disk direction is nearly parallel to the large-scale B field
direction, and it is not correlated with the pseudo-disk, indicating
that B field directions are not necessarily retained in the cores
due to an event of a recent close encounter (Zapata et al. 2009)
or simply due to the difference of angular momentum at various
scales (e.g., L1489; Brinch et al. 2007).

4.3.2. B Field Lines Being Shaped and Dragged Along with Explosive
Outflows?

Another possible shaping mechanism is that the B field
lines together with the dust grains are dragged along with
the outflows (Figure 7(b)). In this case—in order to ex-
plain the polarization patterns perpendicular to the outflows
(Section 4.2)—the dust grains are required to remain anchored
to the B field in an environment where the bulk motions are
substantial and dramatic, so that a mechanical dust grain align-
ment might be possible. The velocity of the outflow is up to
100 km s−1, which is highly supersonic. However, if the explo-
sive outflows drag along the B field lines, dust grains, and other
molecules all together, the dust grains in the local rest frame
might not suffer from a higher collision rate and therefore can
still remain magnetically aligned. Furthermore, the kinematics
within the clumps, inferred from the narrow linewidths of NH3
lines, indicates that the clumps do not have large internal ve-
locity dispersions. This is consistent with the suggestion that
the outflow motions affect mainly the bulk motions and also
large-scale B field lines. It remains to be determined whether
the outflow energy density (pressure) is enough to drag and
shape the B field lines.

The B field tension, fB, can be approximately estimated by
using the equation: fB = B2

4πR
. The B field strength, B, near

IRc2 is in the range 1–16 mG, based on the OH maser Zeeman

splitting (Johnston et al. 1989; Cohen et al. 2006) and is
0.4 mG along the line of sight based on the Zeeman splitting
of the CN line (Crutcher et al. 1999). Note that B estimated
to confine the NH3 clumps (Section 4.1.2) is �3 mG if nH2

of the outflows is ∼10−6 cm −3, which is consistent with the
OH maser measurements. The curvature of the B field, 1/R,
is difficult to estimate because of the azimuthal symmetry and
also the existence of a preferred symmetry plane. Here, we
adopt a curvature of 1/10′′ based on the change in P.A.s along
the dust ridge. The estimated fB is then in the range of 1 ×
10−24 to 3 × 10−22 (dyn cm−3). The momentum transfer rate
per unit volume, foutflow, can be estimated from 8 × 106 L⊙
c−1 (Kwan & Scoville 1976) divided by the volume of interest,
where c is the speed of light. Since the large-scale outflows
have a common center near the BN-I center, it is reasonable to
assume that the energy contained in the outflows originates in the
BN-I center. Assuming that the energy released in the outflows
is uniformly distributed over a sphere of radius of 10′′, foutflow is
4 × 10−15 (dyn cm−3). Even assuming a volume with a radius 10
times larger, which would cover the entire outflow area, would
still give foutflow ≈ 4 × 10−18 (dyn cm−3). Although foutflow
depends on the assumed age of the outflow, where 3000 yr is
used in Kwan & Scoville (1976), the fact that foutflow is at least 4
orders of magnitude larger than fB suggests that the outflows are
energetic enough to distort the B field lines of curvature of 1/10′′.
However, it is extremely difficult to shape the field lines because
in the shaping process, both 1/R and B increase. This scenario
is more likely if such a distortion happens as bulk motion, i.e., R
will not decrease infinitely but has a minimum of 0.5 AU, which
is 10−4 of 10′′, if B remains as 16 mG in the process.

In order to distinguish between the driving mechanisms for
the shaped field lines, observations with a more complete uv
coverage, higher angular resolution, and higher sensitivities are
needed. The link of the field geometry near the BN-I center and
the locations where no polarization was detected will be helpful.
ALMA will be able to improve this picture. For example, if
the field lines are shaped by explosive outflows, an azimuthal
symmetry of B field lines is expected to point all the way
back toward the BN-I center, where there is de-polarization
in current observational results. If the field lines are shaped by

Figure 5: Schematics of two possible interpreta-
tions of the SMA single-pointing polarization map
in Orion BN/KL (Tang et al. 2010). (a) B-field
lines in the pseudo-disk are nearly toroidal due to
the di↵erential rotation of the magnetized disk. (b)
B-field lines are dragged along with the explosive
molecular outflow.



�  Stokes I mosaic observations 

�  Single-point polarization 
observations
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Figure#2.#SMA#contour#maps#of#the#dust#emission#at#880#μm,#overlapped#with#the#grayIscale#intensity#of#the#
dust#linear#polarized#emission#and#B#vectors#toward#6#massive#cores#in#the#DR21(OH)#filament.#The#sources#are#
A:#DR21(OH)IN,#B:#W75SFIR2,#C:#W75SFIR1,#D:#DR21(OH),#E:#DR21(OH)IW,#and#F:#DR21(OH)IS.#The#blue#and#
red#vectors# show#the#magnetic# field#direction#of#polarization#detections#of#>#3σ#and#2I3σ,# respectively.#The#
synthesized#beams#are#shown#in#the#bottom#left#corner#of#each#corner.#Contour#levels#are#5,#10,#20,#30,#50,#70,#
90,# and# 110# times# σ#with# σ# =# 16#mJy# beamI1# in# DR21(OH)IN,# 7#mJy# beamI1# in#W75SFIR2,# 5#mJy# beamI1# in#
W75SFIR1,#20#mJy#beamI1#in#DR21(OH),#9#mJy#beamI1#in#DR21(OH)IW,#and#8#mJy#beamI1#in#DR21(OH)IS.#The#
proposed#observations#aim#to#push#the#2I3σ#red#detections#to#3σ#or#higher.#

#
#
Figure# 3.# H13CO+# 4I3# detections# in# DR21(OH)# core#
(Girart#et#al.#2013)#Left#top#panel:#grayIscale#image#of#
the#H13CO+# 4I3# integrared# emssion# overlapped#with#
the# contour#map# of# the# dust# emission.# Left# bottom#
panel:# color# image# of# the# H13CO+# 4I3# 1st# moment#
overlapped# with# dust# contours.# Right# panels:# PV#
diagrams# of# the# H13CO+# 4I3# emssion.# The# H13CO+#
emission#reveals#a#rotational#motion#in#the#DR21(OH)#
core.# The# results# here# demonstrate# how# we# can#
obtain#kinamatic#information#in#the#our#targets#from#
the#proposed#molecular#line#data.# # # #
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�  Measurements of  SMA off-axis instrumental polarization 

 

�  ΔP = 0.3 ± 0.1% 

�  ΔP.A. < 50
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Table 1: SMA o↵-axis polarization measurements of 3C279

Position
Stokes Values (Jy/beam)

Pol (%) PA (�)
Residual Polarization

I Q U �Pol (%) �PA (�)
1 10.27 -0.059 -0.434 4.26 ± 0.08 138.9 ± 0.5 – –
2 8.18 0.001 -0.373 4.56 ± 0.10 135.0 ± 0.6 0.30 ± 0.13 -3.9 ± 0.8
3 6.20 0.003 -0.277 4.47 ± 0.13 134.7 ± 0.8 0.21 ± 0.15 -4.2 ± 1.0
4 4.38 -0.033 -0.226 5.20 ± 0.18 139.2 ± 1.0 0.94 ± 0.20 0.3 ± 1.1
5 8.37 -0.062 -0.337 4.09 ± 0.10 140.2 ± 0.7 -0.17 ± 0.13 1.3 ± 0.8
6 9.14 -0.100 -0.380 4.30 ± 0.09 142.4 ± 0.6 0.04 ± 0.12 3.5 ± 0.8
7 9.98 -0.086 -0.471 4.79 ± 0.08 140.1 ± 0.5 0.53 ± 0.11 1.2 ± 0.7
8 8.45 -0.050 -0.376 4.49 ± 0.09 138.8 ± 0.6 0.23 ± 0.12 -0.2 ± 0.8

(a) model (zoom-in)

(b) model (d) Simulated JCMT+SMA

(c) Simulated SMA mosaic

Figure 1: (a) & (b): Model im-
ages computed from our MHD sim-
ulations of the collapse of a tur-
bulent, magnetized, rotating core.
Panel (a) is a zoom-in image of panel
(b). (c) Simulated SMA mosaic im-
age. (d) Simulated combined image
of JCMT and SMA mosaic obser-
vations. Color scale presents the
Stokes I intensity. Orange segments
denote the magnetic field orienta-
tions inferred from the polarization
orientation. White circles show the
SMA primary beams in a 7-pointing
mosaic.
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Figure 2: Polarization map of 3C279 at di↵erent positions in the SMA primary
beam. The blue and red bars show the center (on-axis) and o↵-axis polarizations
of 3C279 (see Table 1 for detail). To show the di↵erence between the on-axis
and o↵-axis polarizations, we overlap the blue bar onto the o↵-axis red bars.
The solid-line circle shows the SMA 32” primary beam at 870 µm. The gray
dots represent the proposed 18 o↵-axis positions, which are designed to cover
the primary beam uniformly.

References: • Ching et al. 2016, ApJ accepted • Chrysostomou et al. 2002,
A&A, 385, 1014 • Crutcher, 2012, ARA&A, 50, 29 • Girart et al. 2013, ApJ,
772, 69 • Houde et al. 2009, ApJ, 706, 1504 • Hull et al. 2014, ApJS, 213, 13 •
Lai et al. 2001, ApJ, 561, 864 • Mckee & Ostriker 2007, ARA&A, 45, 565 • Rao
et al. 1998, ApJ, 502, 75 • Tang et al. 2009, ApJ, 700, 251 • Tang et al. 2010,
ApJ, 717, 1262 • Tang et al. 2013, ApJ, 763, 135 • Zapata et al. 2009, ApJ, 704,
45 •



�  Multiple pointing polarization data of  extended 
sources from SMA archive  

 

�  ΔP ~ 0.5  

�  ΔP.A. = 60 at a distance of  30”, 90 at a distance of  40”
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Fig. 1. SCUBA polarimetry of the W51A region. The intensity image is taken from our data and is plotted on a linear scale.
The source to the east of the field is the submillimetre core associated with W51e1 and e2, and the source to the west is W51d.
The polarisation vectors have been rotated by 90◦ and plotted such that their position angles delineate the direction of the
magnetic field averaged along the column and projected onto the plane of the sky. The white dots represent the positions of the
brightest Hii regions in the field (see Table 1). They are, from right-to-left: W51d (IRS2), W51e (IRS1), W51e1 and W51e2 (e1
is south of e2). Right ascension and Declination are at epoch 2000.

Table 1. Brightest Hii regions and their positions in the W51A
cloud. Positions obtained from the SIMBAD database.

Object RA (J2000) Dec. (J2000)
W51d (IRS2) 19 23 39.9 +14 31 08
W51e (IRS1) 19 23 41.9 +14 30 36
W51e1 19 23 43.8 +14 30 25.9
W51e2 19 23 43.9 +14 30 34.8

3. Results and discussion

3.1. Submillimetre polarimetry

The final results are tabulated in Table 2 and shown in
Fig. 1. The greyscale shows the submillimetre emission
which is dominated by two bright sources. To the east
is the core which was mapped by Jaffe et al. (1984) at
400 µm and is associated with the W51e1 and e2 com-
pact Hii regions (Mehringer 1994). The submillimetre core
to the north-west is associated with the W51d Hii re-
gion and with the IR source IRS2 (Goldader & Wynn-
Williams 1994). Both cores are known sites of maser activ-
ity (Genzel & Downes 1977). Fainter and more extended
emission is also seen, occupying the region between the
two cores, and an extended arm of emission is seen to
reach out to the south-west from IRS2.

Figure 1 shows polarisation vectors overlaid onto the
submillimetre emission. These vectors have been rotated
by 90◦ to depict the column-averaged direction of the mag-
netic field projected onto the plane of the sky. This field
direction towards the W51e1/e2 core is at a position an-
gle of ∼100–110◦, consistent with recent interferometer
polarimetry at 1.3 mm with BIMA (Lai et al. 2001). In
an atlas of mid-infrared spectropolarimetry of young stel-
lar objects, Smith et al. (2000) observed W51d(IRS2) and
deconvolved emissive and absorptive components to the
spectropolarimetry. The emissive (E-vector) component
was at 36◦ ± 3◦ implying a field direction in the hotter
regions at or near the Hii region (there is a clear [NeII]
line in the spectrum) where the 10 µm emission peaks
of 126◦. The absorptive component of the E-vector, and
therefore equivalent to the B-vector, is at a position angle
of 136◦, a difference of ∼40◦ when compared to our mea-
surement of ∼0◦. Being absorptive, the dust responsible
for the mid-infrared polarisation is also probably largely
responsible for the submillimetre emission. This difference
in the inferred magnetic field directions is most likely due
to structure in the magnetic field being sampled to differ-
ent optical depths at the two wavelengths (and the differ-
ent beam sizes to some extent).

Scatter plots of the polarisation data (Fig. 2) show
that the degree of polarisation has a maximum of ∼5%

W51$North

W51$e2/e8

W51$e2/e8 W51$North

�  Pilot observations 
�  W51 e2/e8 & W51 north 

�  Orion BN/KL 



�  Bistro legacy project (A magnetic field survey of  the Gould Belt 
clouds), PI: Derek Ward-Thompson  

�  Members from Taiwan: Ya-Wen Tang, Patrick Koch, Vivien Chen, 
Shi-Ping Lai, Jia-Wei Wang, Sheng- Yuan Liu, Hsi-Wei Yen, Tao-
Chung Ching 

Mars was with a large coverage in elevation angles to compensate for this dependence. 
We think this is well understood, so a good test of the position-dependence would be to 
take data at different elevations. However, Jupiter maybe the only night-time suitable 
planet since Saturn’s polarisation is known to produce bad effects related to its rings.  
 
A faint source, such as CB 54 
Finally, we observed CB 54 in February 2013 to test if the noise integrates down as we 
take more data. We need to do this for a variety of sources. For this test, we need at least 
2 hours, the time we spent on CB 54 in 2013.  
 
We want also to take more sky dip data, for testing IP issues, as our previous results 
showed significant variations from night to night.  
 
Please note that we are not asking for specific nights at the telescope but rather need the 
equivalent of a few nights (at least) of clear and stable weather. This would be 
particularly useful, especially for the first stage described above, as we will have time to 
look at intermediate results and thus make more informed decisions for the following 
observations. 
 
 

 
Figure 1.  
 
To conclude, we repeat that we will have effort to look at the new data during the spring 
and for some time. In addition we have internal/external experts looking at the wave 
plate/grid reflection issues. Work is ongoing on the IP model and we are looking at the 



JCMT + SMA polarization 
mosaic map

(a) model (zoom-in)

(b) model (d) Simulated JCMT+SMA

(c) Simulated SMA mosaic
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